arXiv:astro-ph/0104090 4 Apr 2001

Plasmoid impacts on neutron stars and highest energy cosmic rays

C. Litwin and R. Rosner Department of Astronomy & Astrophysics, The University of Chicago, 5640 South Ellis Avenue, Chicago IL 60637 (To be published in Physical Review Letters)

Particle acceleration by electrostatic polarization fields that arise in plasmas streaming across magnetic fields is discussed as a possible acceleration mechanism of highest-energy (^>_∼ 10^{20} eV) cosmic rays. Specifically, plasmoids arising in planetoid impacts onto neutron star magnetospheres are considered. We find that such impacts at plausible rates may account for the observed flux and energy spectrum of the highest energy cosmic rays.

The origin of ultra-high energy cosmic rays (UHECRs), with energies up to and exceeding 10^{20} eV [1–3], remains unknown: the commonly invoked diffusive first-order Fermi acceleration of cosmic rays in a supernova shock [4–7], can accelerate particles to at most ∼ 10^{15} −10^{16} eV [8]. While additional acceleration to energies ∼ 100 times higher by the electric field in a pulsar-driven supernova remnant has been proposed [9], these energies are still much below the highest observed energies. Other models invoke Fermi acceleration associated with cosmological gamma ray burst sources [10] and a decay of supermassive X particles of grand unified field theories [11]. In this Letter we consider a different acceleration mechanism, based on charge polarization arising in plasmoids impacting neutron star magnetospheres.

It is well known [12,13] that an electrostatic field arises in bounded plasmas moving across the magnetic field at sub-Alfvénic velocities. The reason for this is plasma polarization caused by opposing gravitational and polarization drifts of electrons and ions that lead to the appearance of net charge near the plasma boundary. If the plasma density ρ is so high that the transverse susceptibility χ_⊥ ≡ 4πρc^2/B^2 ≫ 1, then the electrostatic field −∇Φ = −V × B/c where V is plasma flow velocity and B is the magnetic field; the potential drop across the plasmoid of width h in the cross-field direction (denoted by ⊥) is 2Φ_0 = hV_⊥B/c (Fig. 1).

Outside the plasmoid, the stray electrostatic field has a large component parallel to the magnetic field which causes particle acceleration along the field lines. This phenomenon has been observed in numerical simulations [14–16] which showed that charge layers can accelerate particles to relativistic energies even for relatively slow (sub-Alfvénic) plasma flows; the accelerated particle energy E is ∼ qΦ_0, where q is the particle charge. This estimate for E derives from the fact that the electrostatic field is dipole-like outside the plasma, giving rise to the potential drop on the order of Φ_0 along B [15].

The process of particle acceleration is transient: The energetic particle outflow from boundary layers of the plasmoid gives rise to plasma current; the resulting force decelerates the plasmoid cross-field motion (see below).

As an example, consider a plasmoid with h ∼ 10 km infalling at the the free-fall velocity onto the surface of a canonical neutron star of mass M_∗ = 1.4M_⊙, radius R_∗ = 10 km and surface magnetic field B_∗ = 5 × 10^{12} G [17]. The accelerating potential Φ_0 ∼ 10^{21} V is then sufficient to accelerate protons to UHECR energies, and heavier nuclei to even higher energies.

FIG. 1. Schematic of a plasmoid infall on the neutron star.

Several questions arise immediately: Can the infalling plasmoid have the required width? Can accelerated particles escape the neutron star magnetic field? And can the above-described mechanism give rise to the observed energetic particle flux and spectrum? In the remainder of this Letter we address these issues.

Because of their large Larmor radii, the neutron star magnetic field (assumed to be dipolar) would not confine electrons or protons in the considered energy range (although it would confine heavier nuclei). Nevertheless, only a small fraction can escape, due to large radiative losses: the curvature/synchrotron radiation results in a slowing down length that is small when compared to the size of the magnetosphere. Only in regions where the magnetic field curvature is small, viz., near the magnetic axis, are radiative losses not prohibitive.

In order to make our discussion more quantitative, let us consider a specific model. Suppose an iron (Z = 56) planetoid (or a planetesimal), with the characteristic mass M_a ∼ 10^{22} − 10^{24} g, such as those previously discussed in different contexts [18–22], impacts at the freefall velocity onto an isolated, slowly rotating neutron star. We assume that the impact is grazing and occurs near the magnetic pole at a large angle ψ (^>_∼ π/6) to the magnetic field (see Fig. 1).

During the infall the planetoid becomes fragmented and compressed by tidal forces, and ionized, by increased temperature and large motional electric field (the Stark shift becomes comparable to the ionization energy at a distance R ∼ 20 − 100R_∗ from the neutron star center). At distances larger than the Alfvén radius R_A (i.e., the distance where the ram pressure equals the magnetic pressure and the free-fall velocity equals the Alfvén velocity), the plasmoid motion is expected to be ballistic with the external magnetic field screened from the plasma interior by surface currents [24]. At R ∼ R_A the external magnetic field is commonly believed to penetrate the plasma (e.g., [24–26]). The exact mechanism of this penetration (which is likely to involve anomalous resistivity, cf. [27]) is not entirely understood. Nevertheless, we assume that at R ≈ R_A the plasma becomes “threaded” by the magnetic field, polarizes and E×B drifts as described by Chandrasekhar [12] and Schmidt [13].

We adopt the model of Colgate & Petschek [18] to describe the planetoid motion at large distances. Because of a small impact parameter, the planetoid infall is nearly radial. The planetoid becomes fragmented at the distance R_b = (ρ_0r^2_0 GM_∗/s)^{(1/3}, where ρ_0 is the density, r_0 is the radius and s is the tensile strength of the planetoid (for an Fe planetoid, ρ_0 = 8 g cm^{−3} and s ∼ 10^{10} dyne cm^{−2}). The planetoid material initially undergoes a phase of incompressible elongation; it then becomes elongated and compressed at R < R_i = κR_b where κ = (5s/8P_0)^{2/5}, with P_0 (∼ 100s) being the compressive strength. For R ≪ R_i, ρ ≈ ρ_0(R_i/R)^{1/2}/4. Then R_A R_∗ = ( B^2_∗ πρ_0V^2_∗

) 2_9 ( r_0 R_∗ )_− 2_{27} ( 2s ρ_0V^2_∗ κ^3

) 1_{27} (1) r_A R_∗ = √ 5 ( B^2_∗ πρ_0V^2_∗

) 1_9 (

r_0 R_∗ ) 17_{27} ( 2s ρ_0V^2_∗ κ^{33/20}

) 5_{27} (2) where r_A is the planetoid radius at R = R_A. We estimate the electrostatic potential drop Φ_A =^1_c r_AV_AB_A where V_A = V_∗(R_∗/R_A)^{1/2} and B_A = B_∗(R_∗/R_A)^3.

We require that R_A > R_∗, which implies that

B_∗ > B_{min} = ( r_0 R_∗ )_{1/6} ( ρ_0V^2_∗ κ^3 2s )_{1/12} ( πρ_0V^2_∗ )_{1/2}

For an Fe planetoid of mass ∼ 10^{23} g and M_∗ = 1.4M_⊙, B_{min} ≈ 10^{12} G; we therefore limit our attention to B_∗ ∼

10^{12} − 10^{14} G. For such magnetic fields, r_A ∼ 3 − 8 km, R_A ∼ 10−90 km and the susceptibility χ_⊥(R_A) ∼ 3−30.

In order to evaluate the effect of radiative losses on the energy of particles escaping the neutron star magnetosphere we solve the equation of motion of a charged particle including the radiation reaction force:

FIG. 2. Particle energy as the function of distance x = (R−R0)/R0 for B∗ = 5×10^{12} G, θ = 10^{−4} and Ma = 10^{22} g (dotted line), Ma = 10^{23} g (solid line) and Ma = 10^{24} g (dashed line). du dτ = u × Ω + F (3)

where τ is the proper time, u is the spatial component of the four-velocity, Ω = qB/mc is the (vector) cyclotron frequency, m is the particle mass and F is the radiation reaction force [28]; in the ultra-relativistic limit considered here, F = −λ(Ω × u)^2u with λ = 2q^2/3mc^5.

We solve the above equation for a dipole magnetic field subject to the initial value conditions corresponding to the motion of a particle injected at t = 0 in parallel with the magnetic field, with energy E_0 = ZeΦ_A, at the radial distance R_0 = R_A and at an angle θ with respect to the magnetic axis. As we see in Fig. 2, a particle is decelerated by the radiation reaction and emerges from the magnetosphere with a fraction of its injection energy; the emerging particle energy E depends weakly on the planetoid mass. On the other hand, E is sensitive to the injection angle θ (see Fig. 3). For B_∗ ∼ 10^{12} − 10^{14} G, E > 10^{19} eV for angles less than 2 − 6 × 10^{−3}.

We can now compute the energy spectrum of particles emerging from the magnetosphere for a single impact event. The average number of particles per planetoid impact on the neutron star (including impacts not in the vicinity of the magnetic axis), emitted within solid angle dΩ about the magnetic axis is dN = N_0dΩ/2π, where N_0 is the total number of accelerated particles per event (see below); we have exploited here the fact that the planetoid angular extent is much larger than that of the region in which particles with energies of interest (^>_∼ 10^{19} eV) are generated. Thus the differential energy spectrum is given by dN/dE = N_0 sin θ(E)dθ/dE. In Fig. 4 we show the differential spectrum for magnetic fields B_∗ ∼ 10^{12} − 10^{14} G in the energy range

10^{19} − 10^{20.5} eV observed with AGASA. The spectrum can be well approximated by the power law dN/dE ∼ E^{−ν} , with ν = 3.03, 2.95 and 2.89 for B = 10^{12}, 10^{13} and 10^{14} G, respectively (the cut-off at E = 2 × 10^{20} eV for B = 10^{14} G corresponds to θ = 0, cf. Fig. 3). Within the error bars, this agrees with the power spectrum observed with AGASA [29] (ν = 2.78^{+0.25}_{−0.33}) and in the Akeno experiment [30] (ν = 2.8±0.3). Note, however, that the spectrum of particles emerging from the neutron star magnetosphere might differ from the spectrum observed on Earth, depending on the UHECR confinement characteristics in the galactic magnetic field (see later).

FIG. 3. Energy E (in eV) of a particle emerging from the magnetosphere as the function of the injection angle (y ≡ log θ), for B∗ = 10^{12} G (solid line), B∗ = 10^{13} G (dashed line) and B∗ = 10^{14} G (dotted line).

Let us now consider whether the mechanism discussed in the present Letter can give rise to the observed flux of the highest energy cosmic rays. AGASA observations [29] imply that the number density of particles with energies exceeding 10^{19} eV is n_{obs} ≈ 6 × 10^{−29} cm^{−3}. In order to determine the density of UHECRs predicted by our model let us first find the number of particles with energies greater than E produced in each impact event,

N (E) = ∫_∞ E dE^′ dN dE^′ = N_0[1 − cos θ(E)]

In order to find N_0 we first note that for the considered range of parameters, the plasmoid is decelerated by the J × B force before reaching the neutron star surface. This can be seen as follows: the field-aligned current carried by the energetic particle outflow from boundary layers of the plasmoid has surface density σc where surface charge density σ = V_⊥B/4πc. Because of charge conservation, this current equals the plasma current, so that the plasma current density J = 2σc/w, where w is the plasmoid width along the magnetic field. Because of the J × B force the plasma is decelerated on the time scale τ_d = ρV_⊥c/JB = 2πρcw/B^2. In the vicinity of R = R_A, τ_d = cr_A/V^2_A. For characteristic fields and planetoid masses considered in this Letter, the deceleration time is shorter than the free-fall time; thus the cross-field motion of the plasmoid is halted before it impacts the neutron star surface. Integrating the momentum balance equation (with gravitational and pressure forces neglected as small compared to the J × B force at R < R_A)

ρ dV dt = 1 c J × B

over time and plasma volume one then finds that

W_A = Q_0Φ_A

where W_A = M_aV^2_A/2 is the planetoid kinetic energy at R = R_A and Q_0 = ZeN_0 is the total charge carried by accelerated ions. Integrating the spectrum (Fig. 3), we find that N (E = 10^{19} eV) ∼ 0.2 − 1.4 × 10^{29} for B_∗ ∼ 10^{12} − 10^{14} G.

FIG. 4. Differential energy spectrum for B∗ = 10^{12} G (solid line), B∗ = 10^{13} G (dashed line) and B∗ = 10^{14} G (dotted line).

In order to estimate the flux of UHECRs observed at Earth, we need to know the number of neutron stars, the rate of impact events, and the confinement time of cosmic rays in the Galaxy; none of these are known with any degree of certainty.

For the characteristic strength of the galactic magnetic field (∼ 3 μG) the Larmor radius of Fe nuclei with E^<_∼ 10^{20} eV is^<_∼ 1 kpc; thus such particles are confined by the galactic magnetic field. The density of UHECRs with energies greater than E is therefore n = ατ_cN (E)n_{NS} , where nNS is the number density of neutron stars, α is the impact rate, and τ_c is the confinement time of UHECRs in the galactic magnetic field. The density of neutron stars is estimated [17] to be nNS ∼ 2·10^{−3} pc^{−3} . Thus n = n_{obs} requires ατ_c ∼ 6−40.

The upper bound on the confinement time is given by the UHECR decay time (∼ 10^{16} s) due to photodisintegration by the infrared background radiation [31,32]; the lower bound is set by cross-field particle drifts due to the galactic magnetic field inhomogeneity and curvature. For example, a 10^{19} eV Fe nucleus in a magnetic field with curvature R_c ∼ 10 kpc would drift a distance on the order of R_c in 10^{13} s; however, if the magnetic field is twisted, the confinement time could be significantly longer [37].

The confinement time variation with particle energy determines the difference between the spectrum at the source and the spectrum observed on Earth and depends on the character of the global galactic field as well as on the spectrum of magnetic fluctuations. At lower energies (below the “knee”) the diffusion time is believed to be a decreasing function of energy [38] which leads to the observed spectrum that is steeper than the source spectrum. For UHECR energies (> 10^{19} eV), however, unlike at lower energies, the gyroradius ρ_c of an Fe nucleus is larger than the integral length scale L_c (∼ 100 pc) of magnetic fluctuations in the Galaxy [39] which may lead to different confinement characteristics [40].

Assuming now the confinement time τ_c ∼ 10^{13} − 10^{16} s, we find the required impact rate to be one in 10^{6±2} years per neutron star (higher if the density of strongly magnetized neutron stars is significantly lower than nNS ).

It is rather difficult to assess whether this impact event rate is plausible. The rate of solid object impacts on neutron stars has been a subject of widely varying estimates in the past [33–36,20,22] in a different context. We do not attempt to make yet another estimate in the present Letter and only note that the rate required by our model is consistent with some of these previous estimates.

In summary, we have explored the plausibility of the acceleration by the polarization electric field, which arises in plasma resulting from planetoid accretion onto magnetized neutron stars, as the generation mechanism for the cosmic rays with highest observed energies. We found that the source spectrum of particles generated by this mechanism is similar to the observed spectrum; whether the resulting spectrum observed on Earth will retain the same character is, at present, an open question. The calculated particle flux magnitude is plausible, albeit quite uncertain due to uncertainties in the UHECR confinement time, in the planetoid impact rate, and in the number of magnetized neutron stars.

We thank Attilio Ferrari, Roger Hildebrand, Don Lamb, Angela Olinto, Simon Swordy, Pasquale Blasi, Willy Benz, Sterling Colgate, Walter Drugan, Carlo Graziani, Cole Miller, Don Rej and Eli Waxman for enlightening discussions. This research was supported by the Center for Astrophysical Thermonuclear Flashes at the University of Chicago under Department of Energy contract B341495.

[1] N.N. Efimov, in Astrophysical Aspects of the Most Energetic Cosmic Rays, M. Nagano and F. Takahara, eds. (World Scientific: Singapore 1991), p. 434.

[2] N. Hayashida et al., Phys. Rev. Lett. 73, 3491 (1994). [3] D.J. Bird et al., Astrophys. J. 441, 144 (1995). [4] W.I. Axford, E. Leer, G. Skadron, in Proc. 15th Int. Cosmic Ray Conf. (Plovdiv), 11, 132 (1977)

[5] G.F. Krymsky, Dokl. Acad. Nauk SSR 234, 1306 (1977) [6] A.R. Bell, Mon. Not. R. Astron. Soc. 182, 147 (1978). [7] R.D. Blandford, J.F. Ostriker, Astrophys. J. Lett., 221, L29 (1978) [8] P.O. Lagage, C. Cesarsky, Astr. Astrophys. 118, 223 (1983).

[9] A.R. Bell, Mon. Not. R. Astron. Soc. 257, 493 (1992). [10] E. Waxman, Phys. Rev. Lett. 75, 386 (1995) [11] G. Sigl, S. Lee, D. N. Schramm, P. Bhattacharjee, Science

270, 1977 (1995).

[12] S. Chandrasekhar, Plasma physics (University of Chicago Press, Chicago 1960).

[13] G. Schmidt, Phys. Fluids 3, 961 (1960).

[14] M. Galvez, J.E. Borovsky, Phys. Fluids B 3, 1892 (1991). [15] T. Neubert, R.H. Miller, O. Buneman, K.-I. Nishikawa, J. Geophys. Res. 97, 12057, (1992).

[16] T. Kitanishi, et al., Phys. Rev. E 53, 6376 (1996). [17] S. Shapiro, S. Teukolsky, Black Holes, White Dwarfs and Neutron Stars (Wiley, New York 1983).

[18] S.A. Colgate, A.G. Petschek, Astrophys. J. 248, 771 (1981).

[19] D.N.C. Lin, S.E. Woosley, P.H. Bodenheimer, Nature

353, 827 (1991).

[20] J.I. Katz, H.A. Toole, S.H. Unruh, Astrophys. J. 437, 727 (1994).

[21] I. Wasserman, E.E. Salpeter, Astrophys. J. 433, 670 (1994).

[22] S.A. Colgate, P.J.T. Leonard, AIP Conf. Proc. 366, 269 (1996).

[23] F.K. Lamb, C.J. Pethick, D. Pines, Astrophys. J. 184, 271 (1973).

[24] F.K. Lamb, et al., Astrophys. J. 184, 271 (1973). [25] D. J. Burnard, S. M. Lea, J. Arons, Astrophys. J. 266, 175 (1983).

[26] J.-M. Hameury, A. R. King, J. P. Lasota, Mon. Not. R.

astr. Soc. 218, 695 (1986).

[27] M.V. Mishin, R.A. Trueman, V. Kapitonov, J. Geophys.

Res. 91, 10183 (1986) [28] F. Rohrlich, Classical charged particles (Addison- Wesley:Reading 1965), p. 141 [29] M. Takeda et al., Phys. Rev. Lett. 81, 1163 (1998). [30] M. Nagano et al., J. Phys. G 18, 423 (1992). [31] J.L. Puget, F.W. Stecker, J.H. Bredekamp Astrophys. J.

205, 638 (1976).

[32] F. W. Stecker, Phys. Rev. Lett. 80, 1816 (1998). [33] B.E. Schaefer, T.L. Cline, Astrophys. J. 289, 490 (1985). [34] S. Tremaine, A.N. Zytkow, Astrophys. J. 301, 155 (1986).

[35] J.I. Katz, Astrophys. J. 309, 253 (1986).

[36] S. Pineault, E. Poisson, Astrophys. J. 347, 1141 (1989). [37] Y.-T. Lau, T.G. Northrop, J.M. Finn, Astrophys. J. 414, 908 (1993).

[38] V. S. Berezinskii et al., Astrophysics of cosmic rays, (Amsterdam: North-Holland 1990).

[39] E. g., E. N. Parker, Cosmical Magnetic Fields, (Clarendon: Oxford 1979), chapter 22.

[40] E.g., in the model of Jokipii [Astrophys. J. 198, 727 (1975)], the diffusion coefficient D(E) ∼ E^μ with μ > 0 when ρc ≪ Lc; but for ρc ≫ Lc, μ = −1/2. Cf. also H. E. Mynick, J. A. Krommes, Phys. Fluids, 23, 1229 (1980)