arXiv:hep-th/0409274 v1 27 Sep 2004

UUITP-19/04

Lectures on string theory and cosmology

Ulf H. Danielsson

Institutionen för Teoretisk Fysik, Box 803, SE-751 08 Uppsala, Sweden

ulf@teorfys.uu.se

Abstract

In these lectures I review recent attempts to apply string theory to cosmology, including string cosmology and various models of brane cosmology. In addition, the review includes an introduction to inflation as well as a discussion of transplanckian signatures. I also provide a critical discussion of the possible role of holography. The material is based on lectures given in January 2004 at the RTN String School in Barcelona, but also contain some additional material.

August 2004

1 Introduction

String theory has long been viewed as an enterprise of little interest for experiments and observations. The energy scales usually considered to be relevant for strings are many orders of magnitude higher than what in the foreseeable future will be experimentally accessible. There are even some physicists who claim that the realm of string theory forever will be beyond the grasp of experimental science. Luckily, there are promising signs that the situation is about to change. Recent developments show that string theory can become accessible to observations much sooner than most people have ever hoped. The new player in the game is cosmology. For a long time an inexact patchwork of educated guesses and order of magnitude estimates, cosmology has developed into an exact science with a fruitful and rapid interaction between observations and theory. Much of the progress is based on the ever more precise observations of the CMBR, and measurements of how the expansion of the universe has changed with time. Thanks to these new observations it is now generally believed that the large scale structure of the universe can be traced back to microscopical physics near the Big Bang. In this way the universe works like a gigantic accelerator allowing us to study physics at the very highest energy scales, possibly even scales relevant for strings.

In the meantime, string theory has reached a maturity which allows for the formulation of realistic cosmological models. For a long time string theory focused on the physics of the very smallest scales. The problems, which were addressed, concerned the unification of forces, including gravity, and the compatibility of relativity and quantum mechanics. The idea was that once the fundamental microscopical laws were found the rest of physics would follow. In particular, cosmology was thought of as just another application of these fundamental laws. In later years the perspective has changed. Many now believe that the physics of the large and the small can not be separated, and that an understanding of unification not only is necessary for understanding the origin of the universe, but that an understanding of the origin of the universe is necessary in order to understand unification. To summarize, cosmology can be the key to the verification of string theory, and string theory can be what we need to solve several of the present puzzles in cosmology.

In these lectures I will give a review of recent attempts to connect string theory with cosmology.^1 Any such attempt must, in one way or the other, be confronted with inflation, [2][3][4].^2 That is, the widely held view that the early universe underwent a period of exponential expansion. A complete theory of the early universe must either explain inflation or replace it with something else. This is also true for string theory, and I will therefore start out with a basic review of inflation focusing on those aspects useful for a string theorist wishing to enter the field. For a more complete introduction, and a complete list of references, I recommend [8]. Apart from standard material, I will briefly discuss the issue of transplanckian signatures. That is, the

1Another review, which covers similar topics, is [1]. 2Other early ideas about inflation include [5][6][7].

possibility of finding observational signatures of stringy or planckian physics in the CMBR.

I will then proceed with a discussion of the relation between string theory and inflation. Can strings give rise to inflation? I will review two sets of proposals: string cosmology and brane cosmology. The latter can be divided into two subproposals: models that generate inflation, and models that try to do with out inflation. I will also discuss some of the difficulties encountered in constructing string theories in de Sitter space and briefly mention some important aspects of recent progress in this area. Finally, I will discuss the relevance of holography to cosmology, and conclude with some comments on the anthropic principle.

2 About inflation

2.1 What is the problem?

The standard Big Bang model suffers from a number of annoying problems. One of them, the flatness problem, concerns the observation that the real density of the universe, ρ, long has been known to be very close to the critical density ρ_c. That is, Ω =^ρ_{ρc} has been measured to be close to one. To understand the importance of this, we start with the Friedmann equation

H^2 = 1 3M^2_4 ρ − k a^2

, (1)

where M_4 = 1/ √ 8πG ∼ 2 · 10^{18}GeV is the four dimensional (reduced) Planck mass.

Furthermore, H =^ȧ is the Hubble constant and a (t) the scale factor with the space time metric on the form ds^2 = dt^2 − a^2dS^2. (2)

dS^2 is the comoving volume element of space with k = 0, +1 and −1 corresponding to flat, positively curved and negatively curved spaces respectively. We then rewrite the Friedmann equation as

Ω − 1 = k a^2H^2

, (3)

and note that for any ordinary type of matter,^1_{a2H 2} will increase with time. To see this, we use the continuum equation given by

ρ̇ + 3H (ρ + p) = 0. (4)

Assuming an equation of state of the form p = wρ, (5)

Figure 1: How Ω rapidly evolves away from 1.

where w is a constant, the continuum equation can be rewritten as dρ da + 3 (1 + w) ρ a = 0, (6)

giving rise to ρ ∼ a^{−3(1+w)}. (7)

If we start with Ω ∼ 1 (k ∼ 0) we have H ∼ 1/t^2, and the Friedmann equation gives a ∼ t^{23(1+w)} . As a consequence we finally find 1 a^2H^2

∼ t^{2− 43(1+w)} , (8)

which clearly grows rapidly with time for any w > −1/3 – examples include pressureless dust with w = 0 and radiation with w = 1/3.

From the above one concludes that, unless the universe is exactly flat (k = 0) and, as a consequence, has exactly Ω = 1, Ω will rapidly evolve away from Ω = 1. If one starts with a value Ω < 1, the value will decrease towards zero, while if Ω > 1 the value of Ω will increase, and even diverge, if the expansion stops as shown in figure 1. In order to have a value close to 1 today, one would therefore expect to need a value of Ω even closer to 1 in the early universe. How close? Let us assume a radiation dominated universe up to the time t_{rad} ∼ 300000 years, and thereafter matter domination. This is roughly the time when the universe became transparent and the time of origin of the CMBR. We can then, using (8) in two steps, estimate the amount of fine tuning at t < t_{rad} to be |Ω (t) − 1| ∼ t t_{rad} ( t_{rad} t_{now} )_{2/3} . (9)

With t_{now} ∼ 10^{10} years we find a fine tuning of one part in 10^{16} one second after the Big Bang, and one part in 10^{60} at planckian times ∼ 10^{−44}s, if the deviation from Ω = 1 is to remain small all the way up to present times. This is the flatness problem. That is, how can Ω be so close to one?

Another problem is the horizon problem. Regions of the universe, in particular sources of the CMBR at opposite points of the sky, look very similar even though,

Figure 2: The horizon problem.

assuming normal radiation dominated expansion in the early universe, they can not have been in casual contact since the Big Bang. How is this possible? The problem is illustrated in figure 2. In the diagram it can be seen how points at the time when the CMBR was generated, all visible to us today, have not had time to communicate with each other. It is difficult to understand how the initial conditions at the Big Bang could be so extremely fine tuned.

2.2 Inflation as solution

A possible way out of the unnatural fine tuning implied by the flatness problem, would be some kind of mechanism at work in the early universe that dynamically drives Ω towards 1. This is where inflation comes in. Inflation corresponds to a period when 1 a^2H^2 actually decreases. This is the case for an expanding universe if the scale factor

a, that is, the distance between two test objects, increases faster than the horizon radius 1/H. In a sense, one can say that the universe expands faster than the speed of light. In such a universe the redshift of any given object will increase with time as the object catches up with the cosmological horizon. Let us see how this works in more detail. A lightray in the metric

ds^2 = dt^2 − a^2dx^2, (10)

travels according to x = ∫_t t_0 dt a , (11)

between time of emission t_0, and time of observation t, where x is the comoving distance. If we follow a particular object we have t_0 = t_0 (t), while x is independent of t. Differentiating with respect to t, using dx = 0, we find dt a (t) − dt_0 a (t_0)

= 0 =⇒ dt_0 dt = a (t_0) a (t) . (12)

The redshift of a particular object, as a function of time, is defined by

z (t) = 1 + a (t) a (t_0 (t))

. (13)

Differentiation with respect to time t gives dz dt = ȧ (t) a (t_0 (t)) − a (t) a (t_0 (t))^2 ȧ (t_0 (t)) dt_0 dt = 1 a (t_0)

(a (t) H (t) − a (t_0 (t)) H (t_0)) , (14)

which is positive if^d_{dt}^1_{a2H 2} < 0, as we set out to prove. Note that in a universe, which expands in the usual fashion, the redshift of a given object actually decreases.

Faster than light expansion also solves the horizon problem. The reason is, as explained above, that the expansion rate in a very definite sense is faster than the speed of light. Objects in causal contact can, through the expansion, be separated to distances larger than the Hubble radius. Eventually, when inflation stops, the Hubble radius will start growing faster than the expansion and the objects will return within their respective horizons. An observer not taking inflation into account will wrongly conclude that these objects have never before been in causal contact.

The simplest example of an inflating cosmology is a universe with H = const. Such a universe has a (t) ∼ e^{Ht} and is called a de Sitter space time.

2.3 How do you get inflation?

We have now seen how inflation solves the problems of the Big Bang model, but how do we get inflation? The condition for inflation can be written d dt 1 a^2H^2 = d dt 1 ȧ^2 = − 2ä ȧ^3

< 0, (15)

or ä > 0 (if ȧ > 0), that is, it corresponds to an accelerating expansion. Combining (1) (with k = 0) and (4), one can obtain another Friedmann equation ·· a a = − 1 6M^2_4

(ρ + 3p) , (16)

from which it immediately follows that an accelerated universe requires matter with negative pressure. Luckily, this can be provided by a scalar field, the inflaton, which possesses a potential energy. Let us investigate this in more detail.

The Lagrangian for a scalar field is given by S = ∫ d^4x √ −g [ 1 2 ∂^μϕ∂_μϕ − V (ϕ) ] = ∫ d^4xa^3 [ 1 2 ϕ̇^2 − 1

2a^2 ∇^2ϕ − V (ϕ) ] , (17)

and the canonical energy momentum tensor is given by T_{μν} = ∂_μϕ∂_ν ϕ − g_{μν} L. (18) In case of a homogenous inflaton field this reduces to an energy density given by

ρ = T_{00} = ϕ̇^2 − ϕ̇2 2 + V (ϕ) = ϕ̇2 2 + V (ϕ) , (19) and a pressure given by p = 1 a^2 T_{xx} = ϕ̇2 2 − V (ϕ) . (20) Note that x is the comoving coordinate – hence the rescaling of T_{xx} to obtain the physical pressure. We also have the equation of motion for the scalar field given by

ϕ̈ + 3Hϕ̇ − 1 a^2

∇^2ϕ + V^′ (ϕ) = 0. (21)

At this point it is useful to introduce the slow roll approximation. That is, we assume ϕ̇^2 << V (ϕ) , (22)

or, in other words, p ∼ −ρ. We also need to impose ϕ̈ << V^′ (ϕ), and as a consequence we therefore have

H^2 = 1 3M^2_4 ( ϕ̇2 2 + V (ϕ) ) ∼ 1 3M^2_4

V (ϕ) (23)

3Hϕ̇ ∼ −V^′ (ϕ) . (24) The slow roll conditions are conveniently handled by introducing the slow roll parameters ε = M^2_4 2 ( V^′ V )_2 (25)

η = M^2_4 V^{′′} V . (26)

It is a useful exercise to verify that the slow roll condition implies that the slow roll parameters are small. It is also true that inflation implies that the slow roll parameters are small.

How much inflation do we need to solve the problems of the Big Bang? According to (9) we need a fine tuning of 10^{60} at planckian times. If this is supposed to be achieved through exponential expansion, we must have a^2 ∼ e^{2Ht} = e^{2N} ∼ 10^{60} ∼ e^{140}. (27) That is, we find the required number of e-foldings, N, to be around 70. This gives a constraint on the potential as follows,

N = ln a (t_e) a (t_i) = ∫_{te} t_i Hdt = ∫_{ϕe} ϕ_i H dϕ ϕ̇ = − ∫_{ϕe} ϕ_i 3H^2 V^′ dϕ = −8πG ∫_{ϕe} ϕ_i V V^′ dϕ ≳ 70. (28) Using the slow roll parameters we find N = 1 √ 2ε ϕ_i − ϕ_e M_4

≳ 70, (29)

and, as a consequence, one concludes that the inflationary potential needs to be rather flat.

2.4 A couple of inflationary examples

Let us now consider a couple of explicit examples. The original works on inflation assumed potentials with local minima (old inflation), or very flat maxima (new inflation), in order to keep the inflaton away from the final, global, minima long enough to get the required number of e-foldings. Later it was realized that the potential can be of a very simple form. In fact, even a simple monomial like

V = λM^{4−α}_4 ϕ^α, (30)

can do the job. The reason is easy to understand from a quick look at (21). The second term in the equation, which is due to the expansion of the universe, works like a friction term that prevents the inflaton from rolling down too quickly preventing inflation from taking place. This is called chaotic inflation, [11].

For the particular potential above, we can calculate the slow roll parameters to be ε = α^2 2 M^2_4 ϕ^2 η = α (α − 1)

M^2_4 ϕ^2

. (31)

Inflation starts at a large value of ϕ and the inflaton then rolls slowly towards the minimum with increasing ε and |η|. Inflation ends when the slow roll conditions no longer hold, i.e. when ϕ ∼ αM_4. The number of e-foldings we obtain before this happens is given by N = 1 M^2_4 ∫_{ϕi} ϕ_e ϕ α ∼ 1 2αM^2_4 ϕ^2_i =⇒ ϕ_i ∼ √ 2αN M_4 ≫ M_4. (32)

At the start of inflation the slow roll parameters are given by ε ∼ α 4N η ∼ α − 1 2N . (33)

Another type of potential is

V = V_0e^−

√_2 p ϕ M4 , (34)

leading to power inflation with a ∼ t^p. In this case the slow roll parameters are constant and given by ε = 1 p , η = 2 p . (35)

As a result, inflation continues forever with ϕ rolling to larger and larger values. In this case one needs an independent mechanism to end inflation.

2.5 Quantum fluctuations

How do we test inflation? The key is structure formation. An important reason to invoke inflation is to make the universe smooth and flat. In the real universe, however, there is a large amount of structure. This structure can be traced back to subtle variations in the matter distribution during the time when the CMBR was released. A naive application of inflation does, however, exclude such non-uniformity. So, from where does all the structure come? Actually, inflation itself supplies the answer provided we take quantum mechanics into account.

The main insight is that inflation magnifies microscopic quantum fluctuations into cosmic size, and thereby provides seeds for structure formation. The details of physics at the highest energy scales is therefore reflected in the distribution of galaxies and other structures on large scales. The fluctuations begin their life on the smallest scales and grow larger (in wavelength) as the universe expands. Eventually they become larger than the horizon and freeze. That is, different parts of a wave can no longer communicate with each other since light can not keep up with the expansion of the universe. This is a consequence of the fact that the scale factor grows faster than the horizon, which, as we have seen, is a defining property of an accelerating and inflating universe. At a later time, when inflation stops, the scale factor will start to grow slower than the horizon and the fluctuations will eventually come back within the causal horizon. The fluctuations will then start off acoustic waves in the plasma which will affect the CMBR. These imprints of the quantum fluctuations can be studied revealing important clues about physics at extremely high energies in the early universe.

Let us now investigate in more detail the predictions from inflation. We assume that the metric as well as the inflaton can be split into a classical background piece and a piece due to fluctuations according to

g_{μν} = g^{(0)}_{μν} + h_{μν} (τ, x) (36) ϕ = ϕ^{(0)} + δϕ (τ, x) . (37)

For convenience we have changed coordinates and introduced conformal time, τ , such that the metric is given by

ds^2 = a (τ )^2 ( dt^2 − dx^2 ) . (38)

In these coordinates the scalar equation (21), ignoring the potential piece, becomes

δϕ^{′′}_k + 2 a^′ a δϕ^′_k + k^2δϕ_k = 0, (39)

where we have Fourier transformed in space and introduced the comoving momentum k. The conventions are such that

δϕ (x) = 1 (2π)^{3/2} ∫ δϕ_ke^{ik·x}d^3k. (40)

We have also introduced the notation ′ for derivatives with respect to conformal time. If we then introduce the rescaled field μ = aδϕ, the equation becomes

μ^{′′}_k + ( k^2 − a^{′′} a ) μ_k = 0. (41)

Similarly, the metric fluctuations can be reduced to two polarizations obeying an equation identical to the one for the scalar fluctuations.

To proceed, treating the scalar and gravitational perturbations simultaneously, we assume that the scale factor depend on conformal time as

a ∼ τ^{1/2−ν} , (42)

where ν is a constant. An important example is a ∼ e^{Ht} with H = const., where the change of coordinates gives dτ dt = 1 a (t) = e^{−Ht} =⇒ a (τ ) = − 1 Hτ , (43)

and we find that ν =^3_2 . Note that the physical range of τ is −∞ < τ < 0. The equation for the fluctuations, with a of the form above, becomes

μ^{′′}_k + ( k^2 − 1 τ^2 ( ν^2 − 1 4 )) μ_k = 0. (44)

Luckily, this is a well known equation which is solved by Hankel functions. The general solution is given by

f_k (τ ) = √ −τ π 2 ( C_1 (k) H^{(1)}_v (−kτ ) + C_2 (k) H^{(2)}_v (−kτ ) ) , (45)

where C_1 (k) and C_2 (k) are to be determined by initial conditions.

When quantizing this system (a nice treatment can be found in [28]) one needs to introduce oscillators a_k (τ ) and a^†_{−k} (τ ) such that

μ_k (τ ) = 1 √ 2k ( a_k (τ ) + a^†_{−k} (τ ) ) (46)

π_k (τ ) = μ^′_k (τ ) + 1 τ μ_k (τ ) = −i √ k 2 ( a_k (τ ) − a^†_{−k} (τ ) ) , obey standard commutation relations. The crux of the matter is that these oscillators are time dependent, and can be expressed in terms of oscillators at a specific moment in time using the Bogolubov transformations

a_k (τ ) = u_k (τ ) a_k (τ_0) + v_k (τ ) a^†_{−k} (τ_0) (47) a^†_{−k} (τ ) = u^∗_k (τ ) a^†_{−k} (τ_0) + v^∗_k (τ ) a_k (τ_0) ,

where |u_k (τ )|^2 − |v_k (τ )|^2 = 1. (48) The latter equation makes sure that the canonical commutation relations are obeyed at all times if they are obeyed at τ_0. We can now write down the quantum field

μ_k (τ ) = f_k (τ ) a_k (τ_0) + f^∗_k (τ ) a_{−k} (τ_0) , (49) where f_k (τ ) = 1 √ 2k (u_k (τ ) + v^∗_k (τ )) (50)

is given by (45).

But what are the initial conditions? The usual choice is to consider the infinite past and choose a state annihilated by the annihilation operator, i.e.

a_k (τ_0) |0, τ_0⟩ = 0, (51)

for τ_0 → −∞. As we will see in the next section, there is much to say about this way to proceed, but let us, for the moment, continue according to common practise. From (46) we conclude that

π_k (τ_0) = −ikμ_k (τ_0) , (52)

for τ_0 → −∞. Since the Hankel functions asymptotically behave as

H^{(1)}_v (−kτ ) ∼ √ 2 −kτ π e^{−ikτ} H^{(2)}_v (−kτ ) ∼ H^{(1)∗}_v (−kτ ) , (53)

we find that the vacuum choice correspond to the choice C_2 (k) = 0 (and |C_1 (k)| = 1).

We have now fully determined the quantum fluctuations, and it is time to deduce what their effect will be on the CMBR. To do this, we compute the size of the fluctuations according to

P (k) = 4πk^3 (2π)^3 ⟨ |δϕ_k|^2 ⟩ = k^3 2π^2 1 a^2 ⟨ |μ_k|^2 ⟩ = k^3 2π^2 1 a^2

|f_k |^2 = k^3 2π^2 1 a^2 |−τ π| 4 | |H^{(1)}_v (−kτ ) | |^2 .

(54) This we should evaluate at late times, that is, when τ → 0. In this limit the Hankel function behaves as H^{(1)}_v (−kτ ) ∼ √ 2 π (−kτ )^{−ν} , (55)

and we find P ∼ 1 4π^2 1 a^2

(−τ )^{1−2ν} k^{3−2ν} ∼ 1 4π^2

H^2k^{3−2ν} . (56)

Here we have used (42) to get rid off the τ dependence. Furthermore, if ν ∼ 3/2 and we have a slow roll, H is nearly constant and can be used to set the scale of the fluctuations. In particular, we find the well known scale invariant spectrum if ν = 3/2, P = 1 4π^2

H^2. (57)

This is more or less the whole story in case of the gravitational, or tensor, perturbations. As previously explained, the scalar fluctuations obey a similar equation, but the translation into the perturbation spectrum is a bit more involved. Basically, different values of ϕ lead to different times for the end of inflation according to δt ∼^{δϕ}_{ϕ̇} ∼^H_{2πϕ̇} , see, e.g., [9]. If inflation ends later, the decay of vacuum energy, and hence the initiation of a more conventional cosmology with H ∼ 1/t and ρ ∼ 3M^2_4 H^2 ∼ 1/t^2, will be delayed. Therefore, we will find an enhanced density according to^{δρ}_ρ ∼^{δt}_t ∼^{H 2}_{2πϕ̇} , and the relevant spectrum becomes, in this case, P_s ∼ ( H ϕ̇ )_2 1 4π^2

H^2. (58)

Comparing (57) and (58) we see that it is the scalar fluctuations that play the most important role. It should be stressed that the spectra, which we have obtained, are the primordial ones. To obtain the actual CMBR fluctuation spectra, including the acoustic peaks, which the primordial spectra give rise to, requires a lot more work which is outside the scope of this review.

To express deviations from scale invariance one introduces spectral indices according to

n_s − 1 = d ln P_s d ln k = 3 − 2ν_s (59)

n_T = d ln P_T d ln k = 3 − 2ν_T , (60)

where ν_s refers to the scalar perturbations and ν_T refers to the gravitational, or tensor, perturbations. While not clear from our simplified analysis, the ν’s need not be the same in the two cases. Observations show that n_s is very close to 1, consistent with the basic ideas of inflation. Of extreme importance is to find any slight deviation from the scale invariant value which could give important information about the inflationary potential. Equally interesting would be to find a contribution from the gravitational background.

Inflation has turned out to be a wonderful opportunity to connect the physics of the large with physics of the small. Perhaps effects of physics beyond the Planck scale might be visible on cosmological scales in the spectrum of the CMBR fluctuations? This is the subject to which we now turn.

2.6 Transplanckian physics

As described in the previous section, quantum fluctuations play an important role in the theory of inflation. But how is the structure of these microscopic fluctuations determined? Is the standard argument that we have gone through really valid? In a time dependent background – where there are no global timelike Killing vectors – the definition of a vacuum is highly non trivial. In the ideal situation the time dependence is only transitionary, starting out with an initial, asymptotically Minkowsky like region, where it is possible to one define a unique initial in-vacuum. This vacuum will time evolve through the intermediate time dependent era, and then end up in a final Minkowsky like region. Typically, the initial vacuum will not evolve into the final vacuum but instead appear as an excited state with radiation. Technically, as I have explained, one says that the excited state is related to the vacuum through a Bogolubov transformation. A well known example is a star that collapses into a black hole and subsequently emits Hawking radiation.

Interestingly, a similar phenomena can be expected also during inflation. In this case, however, the situation is more tricky since the universe (in Robertson-Walker coordinates) is always expanding. How can we then choose an initial state in an unambiguous way? Luckily, the key feature of inflation, the accelerated expansion of the universe, can help out as we have already seen. If we follow a given fluctuation backwards in time far enough, its wavelength will become arbitrarily smaller than the horizon radius. This means that deviations from Minkowsky space will become less and less important, when it comes to defining the vacuum, and the vacuum becomes, in this way, essentially unique. This is the unique vacuum we used in the previous section, and it is sometimes called the Bunch-Davies vacuum. The fact that a unique vacuum is picked out is an important property of inflation and is one of several examples of how inflation does away with the need to choose initial conditions.

But, and this is the main point, the argument relies on an ability to follow a mode to infinitely small scales which, clearly, is not how it works in the real world. After all, it is generally believed that there exists a fundamental scale – Planckian or stringy – where physics could be completely different from what we are used to, and where we have very little control of what is happening. How does this affect the argument that the inflationary vacuum is unique? Could there be effects of new physics which will affect the predictions of inflation? In particular one could worry about changes in the predictions of the CMBR fluctuations. Several groups have investigated various ways of modifying high energy physics in order to look for such modifications, see, e.g., [12-27].

I will not discuss the specifics of the proposals of how to modify physics beyond the Planck scale. Instead I will take a different approach, following [16], and provide a typical and rather generic example of the kind of corrections one might expect due to changes in the low energy quantum state of the inflaton field due to the unknown high energy physics. To proceed along this direction, we need to find out when to impose the initial conditions for a mode with a given (constant) comoving momentum k. To do this, we use, as in the previous section, conformal time, given by τ = −^1_{aH} . We note that the physical momentum p and the comoving momentum k are related through k = ap = − p τ H , (61)

and impose the initial conditions when p = Λ. Λ is the energy scale, maybe the Planck scale or possibly the string scale, where fundamentally new physics becomes important. The basic idea is that we do not know what happens at higher energies, or shorter wavelengths, and therefore are forced to encode our ignorance in terms of initial conditions when the modes enter into the regime that we understand. The unknown high energy physics is usually referred to as transplanckian, and the hope is, obviously, that, e.g., string theory eventually will give us the means to derive these initial conditions. Proceeding with the calculation, we find the conformal time when the initial condition is imposed to be

τ_0 = − Λ Hk . (62)

As we see, different modes will be created at different times, with a smaller linear size of the mode (larger k) implying a later time.

From the above it is clear that the choice of vacuum is a highly non trivial issue in a time dependent background. Without knowledge of the transplanckian physics we can only list various possibilities and investigate whether there is a typical size or signature of the new effects. A useful example is to choose the vacuum as determined by equation (51), but with an important difference. We do not take τ_0 → −∞, but instead stop at the value of conformal time given by (62). This vacuum, which in general is different from the Bunch-Davies (note that for τ_0 → −∞ the Bunch- Davies vacuum is recovered), should be viewed as a typical representative of natural initial conditions (in the sense explained above). It can be characterized as a vacuum corresponding to a minimum uncertainty in the product of the field and its conjugate momentum, [28], the vacuum with lowest energy (lower than the Bunch-Davies) [13], or as the instantaneous Minkowsky vacuum^3. Therefore, it can be argued to be as special as the Bunch Davies vacuum, and there is no a priori reason for transplanckian physics to prefer one over the other.

We have now a one parameter family of vacua with the single parameter given by the fundamental scale. What is the expected fluctuation power spectrum? Following [16] one finds

P (k) = ( H_· ϕ )_2 ⟨ |ϕ_k (τ )|^2 ⟩ = ( H_· ϕ )_2 1 a^2 ⟨ |μ_k (τ )|^2 ⟩ (63)

= ( H_· ϕ )_2 ( H 2π )_2 ( 1 − H Λ sin ( 2Λ H )) , (64)

with the standard case recovered when Λ → ∞. The result should be viewed as a typical example of what to be expected from transplanckian physics if we allow for effects which at low energies reduce to modifications of the Bunch-Davies case. We note that the size of the correction is linear in H/Λ, and that a Hubble constant, which varies during inflation, gives rise to a modulation of the spectrum. As argued in [16], the modulation is expected to be a quite generic effect that is present regardless of the details of the transplanckian physics. (See also [18] for a discussion about this). After

3As observed in [29] the exact caracterization of the vacuum depends on the canonical variables used.

being created at the fundamental scale the modes oscillate a number of times before they freeze. The number of oscillations depend on the size of the inflationary horizon and therefore changes when H changes. A varying Hubble constant is crucial for a detectable signal, since a Hubble constant which does not vary during inflation would just imply a small change in the overall amplitude of the fluctuation spectrum and would not constitute a useful signal. Luckily, since the Hubble constant is expected to vary, the situation is much more interesting.

Let me now turn to a more detailed discussion of possible observable consequences. I will discuss what happens using the slow roll parameters. It is not difficult to show (using that H is to be evaluated when a given mode crosses the horizon, k = aH) that dH dk = − εH k , (65)

which gives H ∼ k^{−ε}. (66) The k dependence of H will translate into a modulation of P (k), with a periodicity given by Δk k ∼ πH εΛ . (67)

To be more specific, let me consider a realistic example. In the Hořava-Witten model [30], unification occurs at a scale roughly comparable with the string scale, the higher dimensional Planck scale, as well as the scale where the fifth dimension becomes visible. For a discussion and references see, e.g., [31] or [15]. As a rough estimate we therefore put Λ = 2·10^{16} GeV – a rather reasonable possibility within the framework of the heterotic string. Using that the Hubble constant during inflation can not be much larger than H = 7 · 10^{13} GeV, corresponding to ε = 0.01, we find H Λ ∼ 0.004 (68) Δk k = Δ ln k ∼ 1. (69)

This implies one oscillation per logarithmic interval in k, which fits comfortable within the parts of the spectrum covered by high-precision CMBR observation experiments.

As I have already emphasized, it is important to note that the transplanckian effects, regardless of their precise nature, have a rather generic signature in form of their modulation of the spectrum. If it had just been an overall shift or tilt of the amplitude, it would not have been possible to measure the effect even if it had been considerably larger than the percentage level. Instead, the only result would be a slight change in the inferred values of H and the slow roll parameters. With a definite signature, on the other hand, we can use several measurement points throughout the spectrum, as discussed in more detail in [21]. There it was argued that the upcoming Planck satellite might be able to detect transplanckian effects at the 10^{−3} level, which would put the Hořava-Witten model within range, or at least tantalizingly close. In this way one can also beat cosmic variance that otherwise would have limited the sensitivity to about 10^{−2} at best. Other discussions can be found in [22][23][24][25].

There has been extensive discussions of these results in the literature and their relevance for detectable transplanckian signatures. As pointed out in [17], the initial condition approach to the transplanckian problem allows for a discussion of many of the transplanckian effects in terms the α-vacua. These vacua have been known since a long time, [32], and corresponds to a family of vacua in de Sitter space which respects all the symmetries of the space time.

In [15][33] concerns were raised that there could be inconsistencies in field theories based on non trivial vacua of this sort. None of these problems are, however, necessarily relevant to the issue of transplanckian physics in cosmology for a very simple reason, as explained in [20]. The whole point with the transplanckian physics is to find out whether effects beyond quantum field theory can be relevant for the detailed structure of the fluctuation spectrum of the CMBR. In the real world we do expect quantum field theory to break down at high enough energy to be replaced by something else, presumably string theory. The modest proposal behind [16] is simply that we should allow for an uncertainty in our knowledge of physics near planckian scales. Several later works, e.g., [26][27], have confirmed this point of view and the CMBR remains a promising candidate for finding evidence of transplanckian physics.

3 String theory with and without inflation

Much of contemporary cosmology has dealt with the construction of phenomenologically viable inflationary models with various potentials and number of inflaton fields. In the early days of inflationary theory there were hopes of incorporating inflation in more or less standard particle physics. Perhaps the inflaton was related to, say, the GUT-transition? Unfortunately this never worked out in a convincing way and, as a result, inflation lived its own life quite detached from the rest of theoretical particle physics.

Luckily, string theory is about to change all that. In string theory it is well known that parameters describing background geometries and compactifications, the moduli, are all promoted into scalar fields. There are, therefore, no lack of potential candidates for the inflaton, even though there are several difficult conditions to be met. For one thing, the potential of the inflaton must be extremely flat in order to allow for enough e-foldings. On the other hand, it can not be completely flat for the idea to work. In supersymmetric string theory there are many flat directions in the moduli space of solutions which could, it seems, serve as useful starting points. The hope would then be that these flat directions are lifted by non perturbative, supersymmetry breaking terms. Unfortunately, it is difficult to find these non perturbative corrections explicitly, and their expected form is anyway, in many cases, not of the right kind. In addition, there are also other problems to be solved. Apart from the flat, inflationary potential, one needs potentials that manage to fix dangerous moduli like those controlling the size of the extra dimensions. It is hard to see how realistic inflationary theories can be obtained without addressing this problem at the same time.

A little later I will explain some recent progress in the subject which suggests that realistic inflationary models can indeed be constructed using string moduli if one introduces branes. The idea is to use two stacks of branes separated by a certain distance, corresponding to the inflaton, in a higher dimensional space. As the branes move, the inflaton rolls, and when the branes collide inflation stops. This is a rapidly developing subject – for an early review see [1], and for more recent discussions, see [10], involving many aspects of string theory. But before discussing these promising ideas I will discuss a couple of other interesting approaches to cosmology.

First I will treat the attempts which go under the, somewhat unspecific, name of string cosmology, [34][35][36][37] (for a review see [38]). The idea is to make use of the dilaton, i.e. the field corresponding to the way the string coupling varies over space and time, and a variant of the string theoretical T-duality. The resulting theory fulfills the condition for inflation, albeit in an unorthodox way.

After this I will turn to models based on branes. Even if branes might very well be the key to realize inflation in string theory, they have, ironically, also been used to argue that string theory can provide an alternative to inflation. I will treat a couple of such proposals, the ekpyrotic and the cyclic universe where colliding branes again play an important role.

3.1 String cosmology

3.1.1 The action of string cosmology

String cosmology makes use of one of the most basic features of string theory, the dilaton. According to string theory the Hilbert action of general relativity is augmented by a new, dimensionless scalar field, the dilaton ϕ, and given by S = − 1 2κ^2_{10} ∫ d^{10}x √ −ge^{−ϕ} (R + ∂^αϕ∂_αϕ) , (70) where κ_{10} =^1_2 (2π)^7 α^{′4} ∼ l^8_s , and where the string coupling is related to the dilaton through g^2_s = e^ϕ. The action as given is written in the string frame. That is, the string length, l_s, is our fundamental unit and what we use as our measuring rod. This means that the Planck mass, the effective coefficient of the scalar curvature R, varies with the dilaton. An alternative way to describe things is to use the Einstein frame which in many ways is physically more transparent than the string frame. In the Einstein frame it is the Planck length – which is more directly related to macroscopic physics through the strength of gravity – which is used as a fundamental unit. Let me explain how the frames are related to each other in a little more detail. To go from one frame to another, we note that the frames are, by definition, related through ∫ d^Dx √ −ge^{−ϕ}R = ∫ d^D x √ −g_E (R_E + ...) , (71)

where g_{μν} = e^{2ωϕ}g_{E,μν} , (72) with the subscript E indicating Einstein frame, and furthermore √ −g = e^{Dωϕ} √ −g_E . (73)

It follows from the definition of curvature that the scalar curvatures are related through R = e^{−2ωϕ} ( R_E − 2ω (D − 1) ∇^2ϕ − ω^2 (D − 2) (D − 1) ∂^αϕ∂_αϕ ) . (74)

Hence we have that √ −ge^{−ϕ}R = e^{(Dω−1−2ω)ϕ} √ −g_E ( R_E − 2ω (D − 1) ∇^2ϕ − ω^2 (D − 2) (D − 1) ∂^αϕ∂_αϕ ) , (75) and as a consequence we find

Dω − 1 − 2ω = 0 =⇒ ω = 1 D − 2 . (76)

The action in the Einstein frame finally becomes S = − M^{D−2}_D 2 ∫ d^Dx √ −g_E ( R_E − 1 D − 2 ∂^αϕ∂_αϕ ) , (77)

where M_D is the D-dimensional Planck mass. We note that the sign of the kinetic term of the scalar field now is the familiar one.

If we consider a metric of FRW-form (10) generalized to D dimensions, we find

d^2s_E = e^{−2ωϕ}d^2s = e^{−2ωϕ} ( dt^2 − a^2dx^2 ) ≡ dt^2_E − a^2_E dx^2, (78)

where

a_E = e^{−ωϕ}a (79) dt_E = e^{−ωϕ}dt. It is important to realize that the two frames are physically equivalent, even if things can, at a first glance, look rather different in the two frames. To fully appreciate string cosmology it is important to keep this in mind.

3.1.2 General idea

Let us now investigate the above action in more detail. I will perform the analysis in the string frame, and, for simplicity, assume a spatially homogenous RW-metric. One can readily check that the scalar curvature in these coordinates is given by

R = − (D − 1) (D − 2) ȧ^2 a^2

− 2 (D − 1) ä a . (80)

The action looks rather innocent, but possesses a remarkable symmetry thanks to the presence of the stringy dilaton. The symmetry acts on the scale factor and the dilaton through the transformations a (t) → 1/a (t) ϕ (t) → ϕ (t) − 2 (D − 1) ln a (t) . (81)

It leaves the action invariant and assures that the solutions of the equations of motion have some very interesting properties that will be important for cosmology. To verify the symmetry, we note that √ −ge^{−ϕ} ( R + ϕ̇^2 ) = a^{D−1}e^{−ϕ} ( − (D − 1) (D − 2) ȧ^2 a^2

− 2 (D − 1) ä a + ϕ̇^2 )

= a^{D−1}e^{−ϕ} ( (D − 1) (D − 2) ȧ^2 a^2

− 2 (D − 1) ȧ a ϕ̇ + ϕ̇^2 )

+ total derivative (82) = a^{D−1}e^{−ϕ} ( − (D − 1) ȧ^2 a^2 + ( ϕ̇ − (D − 1) ȧ a )_2) (83)

+ total derivative (84)

Since we have a^{D−1}e^{−ϕ} → a^{−(D−1)}e^{−ϕ+2(D−1) ln a} = a^{D−1}e^{−ϕ} ȧ a → a d dt ( 1 a ) = − ȧ a , (85)

we find a^{D−1}e^{−ϕ} ( − (D − 1) ȧ^2 a^2 + ( ϕ̇ − (D − 1) ȧ a )_2)

→ a^{D−1}e^{−ϕ} ( − (D − 1) ȧ^2 a^2 + ( ϕ̇ − 2 (D − 1) ȧ a + (D − 1) ȧ a )_2)

, (86)

and hence an invariance of the action! In other words, if a (t) and ϕ (t) solves the equations of motion, so does the transformed functions 1/a (t) and ϕ (t)−2 (D − 1) ln a (t).

Figure 3: The figure shows how different cosmologies are related through the two symmetries discussed in the text.

To fully appreciate what is going on, and to understand the structure of the solutions, we need to note that there is yet another simple symmetry, t → −t, (87) i.e. time reversal invariance, which together with (81) tells an interesting story about possible cosmologies. Combining the two symmetries we can map out how various solutions are related to each other. If we first focus on the scale factor, we see how we from a given solution a (t) can construct two new solutions according to a (t) → 1/a (t) H (t) → −H (t) (88) a (t) → a (−t) H (t) → −H (−t) . (89) Figure 3 shows how this works. The time t = 0 is referred to as the Big Bang and it is natural to allow for two eras, a pre and a post Big Bang. The basic idea of string cosmology is that physics can be traced back in time through the Big Bang into an earlier era, the pre Big Bang, where many of the initial conditions for the post Big Bang are determined in a natural and dynamical way.

It should be stressed that the whole set up is in line with the general picture of T-duality in string theory. According to T-duality, it is equivalent to compactify string theory on a small circle (compared with the string scale) and a large circle. In some sense large and small scales are, therefore, equivalent. Loosely applying this idea to the Big Bang, would suggest that if we trace the expansion far enough back in time, we are better off describing the universe as becoming bigger again, rather than smaller. As we will see, however, string cosmology suggests that we should take an expanding pre Big Bang theory and match it to an expanding post Big Bang. But, and this is an important but, this is the picture obtained in the string frame. The picture in the Einstein frame, as I will explain, is quite different with a contracting rather than an expanding pre Big Bang phase. This is precisely in line with the hand waving argument above.

3.1.3 An explicit example

Let us now work out a detailed example to get a better feeling for how the various cosmologies are related. In our example we add matter with a definite equation of state, p = wρ, (90) assuming an action of the form S = − 1 2κ^2_4 ∫ d^4x √ −g ( e^{−ϕ} (R + ∂^αϕ∂_αϕ) + matter ) , (91)

with, for simplicity, no explicit ϕ dependence in the matter piece. We will be using the Friedmann equations in the string frame, but, as an exercise, we start out in the more familiar Einstein frame where the Friedmann equations take the familiar form

H^2_E = 1 3M^2_4 ( M^2_4 2 1 2 ( dϕ dt_E )_2 + ρ_E ) , (92)

where we have taken the prefactor of (77) into account (with D = 4), when we write down the energy density for the scalar field. It is now easy, using the relations (79), to translate this into the string frame. In particular we have H_E = e^{ϕ/2} ( H − 1 2 ϕ̇ ) (93) dϕ dt_E = e^{ϕ/2}ϕ̇ (94) √ −g_E ρ_E = e^{−2ϕ} √ −gρ_E = √ −gρ. (95) We finally obtain the Friedmann equation in the string frame as

H^2 = − 1 6 ϕ̇^2 + Hϕ̇ + 1

3M^2_4 e^ϕρ. (96)

To proceed, we also need the continuum equation for matter which gives

ρ = ρ_0a^{−3(1+w)}, (97)

and the equation of motion for the dilaton obtained from the Euler-Lagrange equation d dt ∂L ∂ϕ̇ − ∂L ∂ϕ = 0, (98)

where L = −a^3e^{−ϕ} ( −6 ȧ^2 a^2 + 6 ȧ a ϕ̇ − ϕ̇^2 ) = 6aȧ^2e^{−ϕ} − 6ȧa^2ϕ̇e^{−ϕ} − a^3ϕ̇^2e^{−ϕ}. (99)

Using an ansatz of the form

a ∼ t^α (100) ϕ = β ln t + const.,

it is straightforward to derive, from (98), that

−12α^2 − β^2 + 6αβ − 2β + 6α = 0. (101)

To fully determine α and β we need one more equation. Since both H^2 ∼ ϕ̇^2 ∼ 1/t^2 the same must be true for e^ϕρ according to the Friedmann equation. The continuum equation (6) then provides the missing relation

β − 3 (1 + w) α = −2. (102)

Finally, we can write down the solution to the latter two equations as α = 2w 1 + 3w^2

(103) β = 6w − 2 1 + 3w^2

. (104)

So far we have not said what kind of matter we are considering. But let me now, in order to be completely specific, assume that matter is in the form of radiation with w = 1/3. This gives α = 1/2 β = 0 (105) that is, a ∼ t^{1/2} ϕ = const. (106) In other words, we have a standard radiation dominated, and non-inflationary, cosmology. In particular we have a decreasing Hubble constant given by H = ȧ a = 1 2t > 0, (107)

with ä = − 1 4t^2 < 0 ä ȧ < 0. (108)

Not much new, but at least we see that it is consistent to have a constant dilaton. It is now time to apply the symmetry transformations introduced above. We immediately find a new solution given by

a ∼ (−t)^{−1/2} ϕ = −6 ln (−t)^{1/2} + const., (109)

valid for t < 0.^4 We now have H = ȧ a = − 1 2t > 0 ä ȧ = 3 2t^2

> 0 (110)

4One should note that we have assumed that the matter piece also respects the symmetries. In the particular example that we study, this implies that the equation of state becomes w = −1/3 in the transformed theory.

with Ḣ = 1 2t^2

> 0, (111)

i.e., a growing curvature. To summarize, we find an inflating universe with growing curvature and coupling as t → 0_−, followed by a standard radiation dominated cosmology. In other words, a rather appealing cosmology. At least if we somehow can find a way of matching the two solutions at the Big Bang.

There is, however, another interesting twist to the story. As seen in the previous section, the description of the physics is quite different if we change to the Einstein frame. In our example, there is no real difference in the post Big Bang era between the two frames, since the dilaton is constant. In the pre-big bang phase, on the other hand, we find, using (79),

dt_E ∼ (−t)^{3/2} dt =⇒ t_E ∼ − (−t)^{5/2} (112)

a_E ∼ (−t)^{3/2} × (−t)^{−1/2} = −t ∼ (−t_E )^{2/5} , (113)

and as a consequence

a^′_E ∼ − (−t_E )^{−3/5} < 0 (114)

a^{′′}_E ∼ − (−t_E )^{−8/5} < 0. (115)

The physical picture in the Einstein frame is therefore of a contracting rather than an expanding universe. Nevertheless we can rest assured that the physics will be equivalent.

In order to understand better what is going on, it is useful, following [38], to classify the various possibilities according to the following table:

Class I ȧ > 0 ä > 0 Ḣ < 0 standard inflation Class II ȧ > 0 ä > 0 Ḣ > 0 superinflation ȧ < 0 ä < 0 Ḣ < 0 collapse!

As in our example, superinflation and a collapsing universe can be different descriptions of the same physics in string and Einstein frames respectively.^5 In figure 4 one can see how this works. It is interesting to see that the advantages of inflation can be obtained also in a contracting universe. The important thing is that the ratio of the radius of curvature and the scale factor becomes smaller with time.

3.1.4 Problems of string cosmology

As I have already hinted, a basic problem of string cosmology is how to match the pre and post Big Bang solutions. This is known as the graceful exit problem. As is

5One should note that superinflation driven by a standard scalar field is not possible in the Einstein frame. This will be discussed in a different context a bit later.

Figure 4: Three ways of fulfilling the inflationary criterium.

clear from the examples above, the matching has to take place at strong coupling and little is known about how to achieve this. I will come back to the same problem in the next section, when I discuss some alternative models.

Another important issue is the CMBR-fluctuations. Let me continue to discuss the particular example introduced above. To apply the formulae of section 3.1.1. we need to go to conformal time. We find

τ ∼ − (−t_E)^{3/5} (116) and a_E ∼ (−τ )^{2/3} ∼ (−τ )^{1/2−νT} =⇒ ν_T = −1/6, (117)

and from this n_T = 10 3 . (118)

That is, a blue spectrum for the gravitational perturbations not at all like the more or less scale invariant result of standard inflation. This is certainly an interesting prediction and could be a characteristic signal to look for if, and when, these perturbations become observationally accessible. Unfortunately, however, a similar spectrum can be derived also for the scalar fluctuations which dominate the CMBR. This is not at all in line with what observations show, and is one of the big problems with the simplest approaches to string cosmology. Some possible ways out of this dilemma is discussed in [38].

3.2 Brane cosmology

3.2.1 Alternatives to inflation

Basic setup In the middle 90’s, it was realized that not only strings but also higher dimensional structures like membranes etc. play an important role in string theory. Moreover, branes provide new possibilities to construct realistic cosmologies. Of particular interest is the idea to associate the Big Bang with a collision of brane worlds which I will discuss in some detail. This has been considered from two quite different points of view – either as an alternative to inflation or as a way of implementing inflation.

The first of the alternatives to inflation is the ekpyrotic scenario, [39][40][41]. It makes use of the Hor̆ava-Witten interpretation of the heterotic E_8 × E_8 string where there is an eleventh dimension separating two 9+1 dimensional brane worlds. The separation between the branes gives the string coupling in such a way that a small separation corresponds to weak coupling. We are assumed to be living on one of the branes, the visible brane, while the other brane is called the hidden brane. In the ekpyrotic scenario there is an additional brane in the bulk which is free to move. The configuration is assumed to be nearly supersymmetric, i.e. BPS, and therefore nearly stable – apart from a small potential which provides an attraction between the bulk brane and the visible brane.

The main idea behind the ekpyrotic scenario is to let the Big Bang correspond to a collision between the bulk brane and the visible brane. The homogeneity of the early universe, usually explained by inflation, is explained by the nearly BPS initial state. The bulk brane is almost parallel with the visible brane and the collision happens almost at the same time everywhere. From the point of view of physics on the visible brane, the era before the collision is a contracting universe, while the era after the collision (or Big Bang) is our expanding universe. Slight differences in collision time give rise to the crucial primordial spectrum of fluctuations. This represents a new mechanism, fundamentally different from the one of inflation.

An improved proposal is the cyclic scenario, [42], where one does away with the bulk brane and lets, instead, the visible and hidden branes collide. Actually, the branes are supposed to be able to pass through each other and, eventually, turn back for yet another collision. And so on, forever. The homogeneity is, in this model, explained not through initial conditions, but by a late time cosmological constant in each cycle. The cosmological constant provides an accelerated expansion that sweeps the universe clean of disturbances preparing it for a new cycle. The idea is that we presently are entering into such an era and, in this way, the model suggests an interesting role for the cosmological constant recently observed. In a way the cyclic universe make use of inflation of a kind, even though the energy scales involved are totally different. Note, however, that the quantum fluctuations during the inflationary stage in the cyclic universe will be irrelevant for the CMBR fluctuations due to the low energy scale.

Whatever description all of this has from the point of view of higher dimensions, there should also be an effective four dimensional picture. To study this, we start with the same action as in string cosmology, (70), but think of ϕ as a scalar field such that e^ϕ is proportional to the distance between the branes. The Big Crunch occurs when the distance between the branes vanish, that is when ϕ → −∞, corresponding to a Big Crunch at weak coupling since, from the four dimensional point of view, e^ϕ is like a coupling. Note that this is just the opposite to what we have in string cosmology. We use the same ansatz as before, (100), in the Friedmann equation for an empty universe H^2 = − 1 6 ϕ̇^2 + Hϕ̇, (119)

to get α^2 = − 1 6 β^2 + αβ. (120) The two equations are solved by α = ± 1 √ 3 β = ± √ 3 − 1, (121)

that is, a ∼ t^{ε/√3} ϕ = ( ε √ 3 − 1 ) ln t, (122) where ε = ±1. If we had been doing string cosmology we would have applied the duality transformations of (81) (and (87)). This leads to a ∼ (−t)^{−ε/} √ 3 (123) ϕ = ( ε √ 3 − 1 ) ln (−t) − 6 ln (−t)^{ε/} √ 3 = ( −ε √ 3 − 1 ) ln (−t) . (124)

Clearly, this is essentially an exchange of the two solutions in (122). In string cosmology we would have made the choice t < 0 ε = −1 t > 0 ε = +1,

(125)

with t → 0_− =⇒ g_s → +∞ and t → 0_+ =⇒ g_s → 0. In the ekpyrotic universe, however, where the collision of branes corresponds to weak coupling, we have ε = +1 for all t!

To proceed, we note that for all t and ε, we have that ȧ a ∼ ε √ 3t . (126)

Using this we find for string cosmology

t < 0 ε = −1^ȧ > 0 t > 0 ε = +1^ȧ > 0, (127)

while the ekpyrotic universe has

t < 0 ε = +1^ȧ < 0 t > 0 ε = +1^ȧ > 0. (128)

This was all in the string frame. In the Einstein frame we simply find

a_E ∼ (−t_E)^{1/3} for t_E < 0 (129) a_E ∼ t^{1/3}_E for t_E > 0 (130) if we follow the recipe provided earlier.^6 That is, regardless of whether we are considering string cosmology or the cyclic universe, we find a universe that first collapses and then expands. The difference is the behavior of the scalar field. One notes that the condition^{äE}_{ȧE} > 0 is fulfilled in the t_E < 0 era both for string cosmology and for the cyclic universe. In fact, the process with fluctuations crossing the horizon, and entering in a much later era, is common to standard inflation and the ekpyrotic/cyclic universe.

Can it work? The ekpyrotic/cyclic scenarios have been heavily criticized in the literature, see, e.g., [9][40]. I will briefly review some of this criticism. But let me begin by considering the generation of fluctuations in the ekpyrotic/cyclic universe. To do this, we make use of (21), which we expand to quadratic order to get

δϕ̈ + 3Hδϕ̇ − ∇^2δϕ + V^{′′} (0) δϕ = 0. (131)

In conformal time, assuming spatial homogeneity, we find μ^{′′}_k + ( k^2 − a^{′′} a ) μ_k + a^2V^{′′} (0) μ_k = 0. (132)

Usually, the last term is ignored due to the flatness of the potential – a necessary condition for inflation. In the cyclic scenario, however, this is no longer the case. Instead, it is the term due to the expansion/contraction of the universe that should be ignored. The generation of fluctuations takes place when the universe is contracting very slowly, and the scale factor is more or less constant. A useful potential, with the correct properties, is V (ϕ) = −V_0e^{−ϕ/M4} , (133) and we will look for a solutions with a = const. We then need to solve

ϕ̈ + V^′ (ϕ) = 0

H^2 = 1 3M^2_4 ( 1 2 ϕ̇^2 + V ) = 0 (134)

It is easy to verify that this works for

ϕ̇ = 2M^4 t , (135)

and we find μ^{′′}_k + ( k^2 −

V_0 M^2_4 e^{−ϕ/M4} ) μ_k = 0, (136)

6This corresponds to a universe filled by matter with equation of state given by p = ρ. This is precisely what one gets from a massless scalar field without potential.

or μ^{′′}_k + ( k^2 − 2 t^2 ) μ_k = 0, (137)

which is precisely the same equation as derived in the context of inflation! However, there are some important differences. In the inflationary case, we need to rescale μ with the scale factor to get the original scalar field ϕ = μ/a. As we have already seen, the amplitude of the fluctuations in ϕ are always finite. In the ekpyrotic/cyclic case, however, the scale factor is essentially constant and we are stuck with the field μ whose amplitude diverges as t → 0. We therefore need a cutoff near the moment of collision. This is a reflection of the tachyonic nature of the potential with V^{′′} (0) < 0. In inflation the classical perturbations are smeared thanks to the exponential expansion. In the ekpyrotic universe, however, thsi does not happen and the classical perturbations are amplified in just the same way as the quantum mechanical ones, [9][40]. Hence the need for fine tuning of initial conditions.

In case of the cyclic universe we must also investigate the claim that the cycles continue forever. A well known argument against an eternal, cyclic universe, comes from the second law of thermodynamics. With every cycle the entropy should increase and one would not expect an infinite number of cycles. In case of the brane based cyclic universe, it is argued that the exponential expansion due to the late time cosmological constant does the job through a rapid clean up which effectively provides an empty universe ready for the next cycle.

However, it is hard to see how this statement can be exactly true. From the point of view of a local observer it is true that any matter (carrying entropy) is heavily redshifted and pushed towards the cosmological horizon. But, as I will discuss in the chapter on holography, there is a limit on how much entropy can be stored by the horizon. When this limit is reached, there will be unavoidable consequences for the physics of the cyclic universe. As a result, the second law will eventually prevail after all. It is true, though, that the time scale for this to happen will be enormous.

Another crucial problem of the ekpyrotic/cyclic proposal is the bounce. Will the branes bounce off each other or will there be a devastating singularity? Unfortunately, it is well known that the necessary reversal from contraction to expansion is very difficult, if not impossible, to achieve. What is needed, is a Hubble constant which starts out negative and then becomes positive. In other words, we need a period with Ḣ > 0. The problem is that we have the Friedmann equation

Ḣ = − 1 2M^2_4

(ρ + p) , (138)

with a right hand side which for all reasonable types of matter is negative. An example is the scalar field in section 2.3., where the equations (19) and (20) yield

Ḣ = − 1 2M^2_4 ϕ̇^2 < 0. (139)

The same problem is also present in case of string cosmology, but in that case we at least can blame strong coupling and hope that, somehow, there is a way out. In the ekpyrotic scenario, everything happens at weak coupling suggesting that there is little chance of evading the contradiction.

There are also other arguments indicating that a singularity is the end and not a new beginning. The idea is that the creation of a new universe beyond the singularity inside of a black hole, would imply that black holes are information sinks as first suggested by Hawking. However, it is now generally believed that string theory predicts that all information is getting back out from a black hole through the Hawking radiation. From this it is argued in [44] that no information can pass through a singularity into a new baby universe. The kind of bounce needed for the ekpyrotic or cyclic universe would therefore not take place. Very recently, [43], new arguments have been put forward where it is suggested that a cosmological singularity can be resolved in M-theory. It is fair to say, therefore, that there is no consensus in the field at the moment.

What, then, is the conclusion? The ekpyrotic universe represents a different paradigm without inflation where, instead, it is argued that high energy physics can naturally provide very special initial conditions all on its own. The cyclic universe does not do away with inflation completely but, in a very economical way, identifies inflation with the presence of a cosmological constant late in each cycle. Unfortunately, both scenarios face severe technical problems due to the difficulties in understanding the bounce. Whether or not string theory allows for a world beyond a time like singularity is of crucial importance, not only to cosmology.

3.2.2 Inflation from branes

Can inflation be realized using branes? As we have seen above the distance between two branes can be identified with a scalar field on the branes yielding interesting cosmologies. But instead of using this to construct an alternative to inflation, we will now try to identify the scalar field as the inflaton.

The first attempts to construct brane inflation used two sets of branes. If the configuration preserves supersymmetry there is no force between the branes and no potential for the scalar field. What happens is that there is a balance between the gravitational attraction between the branes and a repulsion due to the RR-charges of the branes. If supersymmetry is broken, however, the dilaton and the RR-fields obtain masses while the graviton remain massless. Hence the attraction wins and there is a force between the branes. In principle this could yield inflation if the resulting potential is of just the right form, [45]. Unfortunately, our understanding of string theory is not deep enough to enable us to perform trustworthy calculations with nonperturbative supersymmetry breaking. Actually, the situation is not unlike what we have in the ekpyrotic/cyclic scenario where the actual potential also is not very well known.

Another possibility, in the sense that we can perform reliable calculations to check the scenario, is to consider brane and anti-branes where supersymmetry is broken and there is a force already at tree level. In this case the branes have opposite charges

Figure 5: Two D-branes with their distance interpreted as the inflaton.

and there is an attractive RR-force that adds to the gravitational force. Let us see how this works, [46][48][49].

We start out with the action of a Dp-brane in 10 dimensional space time. It is given by S_D = − ∫ d^4xd^{p−3}y √ −h [T_p + ...] , (140)

where T_p = 1 (2π)^p α^{′− p+12} e^{−ϕ} ∼ 1 g_sl^{p+1}s , (141)

is the tension of the brane, h_{μν} is the metric on the branes induced by the full metric g_{μν} , and x corresponds to our four space time coordinates while y are compact extra dimensions around which the D-branes are wrapped (if p > 3). The action for the D̄p-brane is identical. The position of the D-brane and the D̄-brane in the transverse dimensions are denoted by z^m_1 and z^m_2 respectively, where m = 1...d_⊥ with d_⊥ = 10 − (p + 1) = 9 − p as the number of transverse dimensions. We now define the relative position of the D and D̄-branes as z^m = z^m_1 − z^m_2 , and their average position as z̄^m =^{zm1 +zm2}_2 . The two actions added together, can then be expanded as

S_D + S¯_D = − ∫ d^4xd^{p−3}y √ −h̄T_p [ 2 + 1 4 g_{mn}h̄^{μν} ∂_μz^m∂_ν z^n + ... ] , (142)

where h̄_{μν} is evaluated on z̄^m. We now have the kinetic terms for our inflaton field z, but what about the potential?

The potential energy is of the same form as the gravitational potential between two branes, that is, the energy per area is given by E A_p = −β 1 M^2_{10}

T^2_p z^{d⊥−2} , (143)

where β =^1_8 π^{−d⊥ /2}Γ (_{d⊥ −2} 2 ) , and M^2_{10} = e^{−2ϕ}κ^{−2}_{10} . Compactifying according to

M^2_{10} 2 ∫ d^4xd^6y √ −g [R + ...] ∼ M^2_4 2 ∫ d^4x √ −g [R + ...] , (144) we find

M^2_4 = M^2_{10}V_⊥V_‖. (145) The six extra dimensions should be compact, and we assume that they have volumes given by V_⊥ ≡ r^{d⊥}_⊥ , V_‖ ≡ r^{p−3}_‖ . (146) The potential (including the mass density of the branes) can, after compactification, be written V (z) = 2T_pV_‖ − β M^2_{10}

T^2_p V_‖ z^{d⊥−2} ≡ A − B z^{d⊥−2} . (147)

To complete the calculation, we also need to make sure that our inflaton has the correct normalization. Looking at (142) we see that we need to identify the canonically normalized scalar field as ψ = √ T_pV_‖ 2 z. (148)

Can the resulting potential yield inflation? To answer this question, we need to evaluate the slow roll parameters. These are given by ε = M^2_4 2 ( V^′ V )_2 ∼ M^2_4 T_pV_‖ ( B A (d_⊥ − 2) 1 z^{d⊥−1} )_2

= β^2 4 (d_⊥ − 2) T_p M^2_{10} 1 z^{d⊥−2} (r_⊥ z )_{d⊥} ∼ g_s ( l_s z )_{d⊥−2} ( r_⊥ z )_{d⊥} (149)

η = M^2_4 V^{′′} V ∼ − 2M^2_4 T_pV_‖ B A (d_⊥ − 2) (d_⊥ − 1) 1 z^{d⊥} = −β (d_⊥ − 2) (d_⊥ − 1) (r_⊥ z )_{d⊥} ∼ (r_⊥ z )_{d⊥} , (150)

where we have made use of (145). The derivatives of V are taken with respect to ψ. From the requirement that η should be small, we immediately see that z ≫ r_⊥ which, unfortunately, does not make sense. The branes can not be separated by a distance larger than the size of the compact dimension!

One possible way out, is to fine tune the positions of the D and D̄ to opposite sides of the compact dimension. From symmetry this must correspond to a meta-stable, forceless configuration. It can be shown that the potential close to the equilibrium position is such that slow roll and inflation is allowed. In the next section we will come back to other possibilities of obtaining realistic models.

It is also interesting to think about what will happen when the branes collide. From string theory we would expect the annihilation of the branes to be driven, from the perspective of the brane, by an open string tachyon. The field T corresponding to the tachyon becomes tachyonic when the distance between the branes is decreased to a string length, [50]. We therefore expect a potential of the form V (z, T ) = A ( z^2 l^2_s − B ) T^2 + CT^4 + V (z) , (151)

Figure 6: The tachyon potential for large values of z, and for small values of z (dashed line).

where A, B and C are positive constants. Interestingly, this is just the kind of potential known from hybrid inflation, [51]. The original motivation for hybrid inflation was to generate enough e-foldings without the inflaton having to start out with values of the order of many Planck masses, recall (29). Contrary to a single field chaotic inflation, where all of the vacuum energy decays through the rolling inflaton, the decay in hybrid inflation takes place in two steps, as shown in figure 6. First, when z is large, the tachyon T is locked in a minimum at T = 0. The effective potential for the inflaton can, in the simplest case, be of the usual monomial type, but the minimum has a non-zero vacuum energy that can drive inflation. However, when z becomes small enough, T = 0 becomes unstable and rolls down to a new minimum. As a result, the vacuum energy decays away. In brane inflation, this corresponds to the annihilation of the branes.

Unfortunately we do not have a good understanding of what happens when the branes annihilate and how rehetaing takes place. That is, how all the matter now present in the universe is created out of the decaying vacuum energy. We must also make sure that all branes do not annihilate after the collision. There must be a net number of, say D-branes, remaining after all pairs of D and D̄ have annihilated.

3.3 Strings in de Sitter space

Recent observations give very strong indications that we are living in a universe with a positive cosmological constant, i.e. a de Sitter space. From the point of view of string theory this is quite surprising. In fact, it has been a long standing problem to formulate string theory in de Sitter space. Part of the difficulty has to do with supersymmetry. Contrary to the case of flat space time and a space time with a negative cosmological constant, i.e. anti de Sitter space, a positive cosmological constant goes together with super symmetry breaking. It has, therefore, not been possible to take advantage of the simplifications due to supersymmetry in constructing de Sitter space times. Another, more serious problem, is that string theory is naturally formulated using S-matrices. That is, we need an asymptotic lightlike infinity, like in Minkowsky space, to make sense of the scattering amplitudes produced by string theory. An exception is anti de Sitter space, where we have the option to describe physics holographically on the time like boundary. Unfortunately, neither of these possibilities are available in de Sitter space. Based on this, it was argued in [52] that an accelerated expansion, like the one due to a cosmological constant, necessarily is temporary.

A seemingly different problem in string theory is the stabilization of moduli. For instance, why is the size of the compact dimensions stable? Why do they not change in a substantial way during the evolution of the universe? As we will see in the following these two problems are not unrelated to each other.

Let us start out, following [53], with the action S = ∫ d^Dx √ −g [ − M^{D−2}_D 2 R + L (ψ) ] , (152)

with D = d + 4, and metric

ds^2 = ds^2_4 + R^2 (x) g_{dmn} (y) dy^mdy^n. (153)

We dimensionally reduce to four dimensions and find S = − M^{D−2}_D 2 V_d ∫ d^4x √ −g_4e^{dϕ(x)}R_4 + V_d ∫ d^4x √ −g_4e^{dϕ(x)} ∫ d^dy √ g_dL (ψ) , (154)

where we have put

R (x) = R_0e^{ϕ(x)} (155) V_d = R^d_0. (156)

Now let us rescale g_{4,μν} → e^{−dϕ(x)}g_{4,μν} . (157) This leads to √ −g_4 → e^{−2dϕ(x)} √ −g_4 (158) R_4 → e^{dϕ(x)}R_4 + ... (159)

and the action becomes S = − M^2_4 2 ∫ d^4x √ −g_4R_4 + V_d ∫ d^4x √ −g_4e^{−dϕ(x)} ∫ d^dy √ g_dL (ψ) . (160)

It is important to note that the second term includes a factor e^{−dϕ(x)} that decreases if the volume of the compact dimensions increases. This can only be compensated if ∫ d^dy √ g_dL (ψ) goes like the volume, i.e. like R^d. The metric g_d does not include any R-dependence which leave us with the density L (ψ). There is no type of matter which has an energy density that grows with the volume of space. In fact, recalling (7) we see that such matter would have w = −2. The best we can do is to consider

Figure 7: Energy is gained by letting the extra dimensions decompactify.

Figure 8: Anti de Sitter space time corresponds to a possibility of having stable compact extra dimensions.

cases where there is effectively a cosmological constant. This can be obtained by wrapping a brane around the compact dimensions.

In general, we find that the energy approaches zero as the dimensions decompactify, and we end up, eventually in ten dimensional flat space time. There are several possibilities for how this can happen, one of which is illustrated in figure 7. In this case there is nothing that can prevent the compact dimensions from opening up, and the system rapidly rolls towards the decompactified case. Another possibility, illustrated in figure 8, is that there is a minimum of the potential at negative energy, i.e., an anti de Sitter universe where the compact dimensions are stabilized. The much studied AdS^5 × S^5 is an example of this. Finally, there could be a (local) minimum with positive energy corresponding to a de Sitter universe as shown in figure 9. The size of the extra dimensions are now meta stable – eventually there will be a tunneling to the decompactified case.

Interestingly, the cases of figure 8 can be realized in string theory. In [54][55] type IIB with six dimensions compactified on Calabi-Yau spaces were studied. By turning on fluxes, the complex moduli of the internal spaces were stabilized, and in [56] it was noted that non perturbative string corrections can also fix the volume of the internal space. Hence we end up in a situation described by figure 8. Then, the authors of [56] added a number of D̄3 branes, which increased the energy and corrected the potential to the one in figure 8.

Interestingly, the model also provides a way of realizing brane inflation. The trick

Figure 9: A de Sitter space time with a positive cosmological constant is not excluded, but is unstable against tunneling.

is to make use of the fact that the D̄3 branes are sitting at fixed positions on the internal manifold at the bottom of deep throats. If we add some D3 branes these will move down the throats attracted by the D̄3 branes. Thanks to the redshift at the bottom of the throats, the problem of achieving slow roll in a compact dimension that I discussed previously is circumvented, [57].

It remains to construct realistic models within string theory that provide the right amount of inflation, the correct cosmological constant of today, as well as realistic particle physics. But the indications are certainly there that it should be possible. Are there any generic predictions? Most of the D-brane based string models discussed in the recent literature has an inflationary scale that is rather low. This means that ϵ is essentially zero and any deviation from scale invariance comes from η. From an observational point of view this is slightly disappointing for two reasons. First, a too small ε implies that contributions to the CMBR fluctuations from gravitational waves will be non-observable. Second, the magnitude of transplanckian effects in the CMBR, in the simplest and most generic scenarios, will be beyond detection. It is therefore of great interest to find out whether an almost vanishing ε is a robust prediction of string theory.

4 Holography

Holography is an intriguing possibility for finding connections between the smallest scales and cosmology. I will not give a review of all the various attempts to apply holography to cosmology. Some of the more original and interesting are discussed in [62]. Instead, I will describe a number of important and general features of holography that I find important to keep in mind. The subject is, unfortunately, full of contrary claims and confusions, and my aim is to put the subject on as solid ground as possible.

I will start out with a discussion of entropy bounds and the question of whether such bounds can provide useful restrictions on cosmology, not available by other means. My conclusion will be negative. Then I will proceed with a discussion of more intricate questions like complementarity. Here, the answer is not as clear cut, but my conclusion will, nevertheless, be that there is no known mechanism for how such effects could be made visible.

4.1 Holographic bounds

Holography has its origin in black hole physics and the discovery in the 70’s by Bekenstein that black holes carry an entropy proportional to the area of the horizon, [58]. Bekenstein further argued that there are general bounds on the amount of entropy that can be contained in matter. The entropy bound, due to Bekenstein, that will serve as a starting point for my discussion states that in asymptotically flat space, [59], is S ≤ S_B = 2πER, (161) where E is the energy contained in a volume with radius R. This is the Bekenstein bound. There are several arguments in support of the bound when gravity is weak [60], and it is widely believed to hold true for all reasonable physical systems. Furthermore, in the case of a black hole where R = 2El^2_{pl}, we have an entropy given by S_{BH} = A 4l^2_{pl} = πR^2 l^2_{pl} , (162)

which exactly saturates the Bekenstein bound. We will consequently put ℏ = c = 1, but explicitly write the Planck length, l_{pl} = √_{Gℏ} c^3 , to keep track of effects due to

gravity.

Beginning with [61], there have been many attempts to apply similar entropy bounds to cosmology and in particular to inflation, [62]. The idea has been to choose an appropriate volume and argue that the entropy contained within the volume must be limited by the area. An obvious problem in a cosmological setting is, however, that for a constant energy density a bound of this type will always be violated if the radius R of the volume is chosen to be big enough. In fact, this observation has been used to argue, choosing appropriate volumes, that holography puts meaningful limits on, e.g., inflation. However, as was explained in [63], it is not reasonable to discuss radii which are larger than the Hubble radius in the expanding universe. See also [64]. This, then, suggests that the maximum entropy in a volume of radius R > r, where r is the Hubble radius, is obtained by filling the volume with as many Hubble volumes as one can fit – all with a maximum entropy of^{πr2}_{l2pl} . This gives rise to the Hubble bound, which states that S < S_H ∼ R^3 r^3 r^2 l^2_{pl} = R^3 rl^2_{pl} . (163)

The introduction of the Hubble bound removes many of the initial confusions in the subject of holographic cosmology.

4.2 Local versus global perspectives

The Hubble bound is a bound on the entropy that can be contained in a volume much larger than the Hubble radius. It is, therefore, a bound that gives measurable consequences only if inflation stops allowing scales larger than the inflationary Hubble radius to become visible. Clearly, the notion of a cosmological horizon, and its corresponding area, does not play an important role from this point of view.

If we, on the other hand, want to discuss things from the point of view of what a local observer, who do not have time to wait for inflation to end, can measure, we must be more careful. In this case one has a cosmological horizon with an area that it is natural to give an entropic interpretation [65]. Since the area of the horizon grows when matter is passing out towards the horizon, from the point of view of the local observer, it is natural to expect the horizon to encode information about matter that, in its own reference frame, has passed to the outside of the cosmological horizon of the local observer. From the point of view of the observer, the matter will never be seen to leave but rather become more and more redshifted. The outside of the cosmological horizon should, therefore, be compared with the inside of a black hole. It follows that the horizon only indirectly provides bounds on entropy within the horizon as is nicely exemplified through the D-bound introduced in [66]. The cosmological horizon area in a de Sitter space with some extra matter is smaller than the horizon area in empty space. If the matter passes out through the horizon, the increase in area can be used to limit the entropy content in matter. This is the content of the D-bound which turns out to coincide with the Bekenstein bound. The D-bound, therefore has not, necessarily, that much to with de Sitter space or cosmology. It is more a way to use de Sitter space to derive a constraint on matter itself.

Let me now explain the nature and relations between the various entropy bounds a little bit better. In particular on what scales the entropy is stored. If we assume that all entropy is stored on short scales smaller than the horizon scale r, we can consider each of the horizon bubbles separately and use the Bekenstein bound (or D-bound) on each and everyone of these volumes. We conclude from this that the entropy, under the condition that it is present only on small scales, is limited by S < S_{LB} = 2πEr, (164) which I will refer to as the local Bekenstein bound. It is interesting to compare this result with the entropy of a gas in thermal equilibrium. One then finds S_g ≲ Er for high temperatures where T ≳ 1/r, and S_g ≳ Er for low temperatures where T ≲ 1/r. This is quite natural and a consequence of the fact that most of the entropy in the gas is stored in wavelengths of the order of 1/T . This means that the entropy for low temperatures is stored mostly in modes larger than the Hubble scale and can therefore violate the local Bekenstein bound S_{LB}.

The size of the horizon therefore limits the amount of information on scales larger than the Hubble scale, or, more precisely, the large scale information that once was accessible to the observer on small scales. If the horizon is smaller than its maximal value this is a sign that there is matter on small scales, and the difference limits the entropy (or information) stored in the matter. This is the role of the D-bound. We conclude, then, that a system with an entropy in excess of S_{LB} (but necessarily below S_H ) must include entropy on scales larger than the horizon scale.

While the entropy bounds above are rather easy to understand, the way entropy can flow and change involve some more subtle issues. In the case of a diluting gas the expansion of the universe implies a flow of entropy out through the horizon, but as the gas eventually is completely diluted the flow of entropy taps off. Whether or not the horizon radius is changing, one will never be able to violate the Hubble bound or get an entropy flow through an apparent horizon violating the bound set by the area. A potentially more disturbing situation is obtained if we consider an empty universe (apart from a possibly changing cosmological constant), which can be traced arbitrarily far back in time, with entropy generated through the quantum fluctuations that are of importance for the CMBR. As discussed in several works, [28][67], there is an entropy production that can be associated with these fluctuations and one can worry that this will imply an entropy flow out through the horizon that eventually will exceed the bound set by the horizon. This is the essence of the argument put forward in [68].

To understand this better, one must have a more detailed understanding of the cause of the entropy. Entropy is always due to some kind of coarse graining where information is neglected. In the case of the inflationary quantum fluctuations we typically imagine, as I have explained, that the field starts out in a pure state – defined by some possibly transplackian physics – with a subsequent unitary evolution that keeps the state pure for all times. This is true whether we take the point of view of a local observer or use the global FRW-coordinates. To find an entropy we must introduce a notion of coarse graining. Various ways of coarse graining have been proposed, but they all imply an entropy that grows as the state gets more and more squeezed, [28][67]. It can be shown that most of this entropy is produced at large scales (when the modes are larger than the horizon), and well below the Hubble bound.

This is all in terms of the FRW-coordinates, but let us now take the point of view of the local observer. In this case the freedom to coarse grain is more limited. In order to generate entropy we must divide the system into two subsystems and trace out over one of the subsystems in order to generate entropy in the other. As an example consider a system with N degrees of freedom divided into two subsystems with N_1 and N_2 degrees of freedom, respectively, with N = N_1 + N_2 and N_2 > N_1. If the total system is in a pure state it is easy to show that the entropy in the larger subsystem is limited by the number of degrees of freedom in the smaller one, i.e. S_2 < ln N_1.^7 Applied to our case, this means that the entropy flow towards the horizon must be balanced by other matter with a corresponding ability to carry entropy within the horizon. Since the amount of such matter is limited by the Dbound, the corresponding entropy flow is also limited. As a consequence, there can

7A simple proof can be found in [70] in the context of the black hole information paradox.

not be an accumulated flow of entropy out towards the horizon that is larger than the area of the horizon. For a similar conclusion see [69]. This does not mean that inflation can not go on for ever, nor that there can not be a steady production of entropy on large scales, but it does imply that the local observer will not be able to do an arbitrary amount of coarse graining.

To summarize: from a local point of view the production of entropy in quantum fluctuations is limited by the ability to coarse grain; from a global point of view entropy is created on scales larger than the Hubble scale.

4.3 Complementarity

I have argued that holography, in the sense of putting limits on the entropy, does not constrain cosmology in any new way. It might still be a useful principle, but it does not contain anything beyond what is contained in the Bekenstein bound and the generalized second law which, in turn, seem to be automatically obeyed by the ordinary laws of physics. If we want to find truly new effects, we must go one step further and turn to the principle of complementarity. I will therefore investigate the possibilities of an information paradox and compare with the corresponding situation in the case of black holes.

In black hole physics, the emerging view is that a kind of complementarity principle is at work implying that two observers, one travelling into a black hole and the other remaining on the outside, have very different views of what is going on. According to the observer staying behind, the black hole explorer will experience temperatures approaching the Planck scale close to the horizon, and as a consequence, the black hole explorer will be completely evaporated and all information transferred into Hawking radiation. According to the explorer herself, however, nothing peculiar happens as she crosses the horizon. As explained in [71], the apparent paradox is resolved when one realizes that the two observers can never meet again to compare notes. Any attempts of the observers to communicate again, after the outside observer have extracted the information from the Hawking radiation, will necessarily make use of planckian energies and presumably fail.

An interesting question to pose is whether a similar mechanism could be at work also in de Sitter space. In order to investigate such a possibility, we will consider a scenario where at some moment in time the de Sitter phase is turned off and replaced by a non-accelerated Λ = 0 phase with ordinary matter. That is, an inflationary toy model. A possible information paradox, comes about if one assumes that an object receding towards the de Sitter horizon of an inertial de Sitter observer, will return its information content to the observer in the form of de Sitter radiation. If the cosmological constant turns off, the object itself will eventually return to the observers causal patch, and one has the threat of a duplication of information and therefore a paradox.

To come to terms with the paradox, let us focus on what an observer actually would see as an object recedes towards the horizon, [72]. Since the rate of the photons (emerging from the horizon) received by our observer is of order 1/R, the time it would take for her to see the object burn will be extremely long. To find out how long, we will investigate what actually happens to the object (according to the observer). To do that we think of the horizon as an area consisting of R^2/l^2_{pl} Planck cells, and remember that the photon has a wavelength of order Planck scale when emitted and can indeed resolve specific Planck cells.

Now, let us assume the object in question to be something really simple, with an information content much smaller than the R^2 number of degrees of freedom of the horizon. This would mean that only a few of the Planck cells are involved in encoding the object. In the extreme case of an object with entropy of O(1), one would need to wait until of the order R^2 photons have been emitted to be reasonably sure to see a photon coming from the burning of the object. In the other extreme, one can think of an object consisting of the order R^2 degrees of freedom. In this case it is clear that one has to wait until of the order R^2 photons have been emitted, in order for all parts of the object to have been burnt. Regardless of the size of the object, one has, therefore, to wait a time, τ ∼ R^2 l^2_{pl} R = R^3 l^2_{pl} ∼ 1 T^3l^2_{pl}

, (165)

in order to actually see the destruction.

If we now abruptly turn off the de Sitter phase, and let it be followed by a more standard cosmological evolution, we expect the object to eventually return to the observers causal patch at some time in the future [73]. If the time we wait before turning of inflation is shorter then the estimate above, this causes no problem. The object simply becomes visible again with a negligible amount of de Sitter radiation emitted. If we wait longer the situation is more confusing. The time we have estimated is the time it takes for an object to be irreversibly lost to the horizon, and it would be inconsistent for an unharmed, information loaded object to come back. After all, we have, with our own eyes, seen the object burn. This is, in fact, just the information paradox.

Luckily, the time scale we have estimated above is long enough for several interesting effects to take place which have the potential of removing the paradox. One argument goes as follows. Since the situation relation between the object and the observer is symmetric, it is clear that the object will be in as good, or bad, shape as the observer. Indeed, considering the symmetric situation we have between the observer and the object (being for example another observer) and the fact that they can meet again some time after the de Sitter phase has turned off, seems to imply that the estimated time should be the same for local objects as for those who approach the horizon, even from the perspective of one single observer.

So, let us now try to estimate the time it takes to break down a local object, bound to the observer. To do this, we reconsider the possibility that local interactions do give rise to a breakdown, but only if we take physics near the Planck scale into account. With an interaction rate given by Γ = σnv, where the cross section is given by σ ∼ l^2_{pl}, the number density of the radiation n ∼ T^3 ∼ 1/R^3 and the relative velocity v = c = 1, one finds the typical time τ it takes for this process to occur to be 1 ∼ σnvτ ∼ l^2_{pl} · 1/R^3 · 1 · τ ⇒ τ ∼ R^3 l^2_{pl} . (166)

This coincides, up to orders of one, with the previous result. Therefore, regardless of whether local objects or objects falling towards the horizon are concerned, the survival time will be the same. We argued above that this must be the case based on the symmetry between the observer and the object and by noting that, if the de Sitter phase is only temporary, they will eventually meet again. We find it encouraging that the above results are in agreement with this assessment.

The above analysis provides a possible escape route from the information paradox, since, as I have argued, it is very difficult for an observer to exist long enough to actually see any object being fully burnt by Hawking radiation. But this is not all, as observed in [73] there is a further obstacle to experiencing an information paradox. It can be shown that the return time for an object that has been falling towards the horizon a time τ ∼^{R3}_{l2pl} , is of the order of the Poincare recurrence time, ∼ e^{R2/l2pl} of the de Sitter space. That is, it exceeds the Poincare recurrence time of the detector.

What are the implications for inflation? In inflation the Hubble constant is constrained from observations to be no larger than H ∼ 10^{−4} M_4. With this input the thermalization time for non-thermal excitations (α-vacua included) is found to be of order τ ∼ R^3 = 1/H^3 ∼ 10^{12} t_{pl}. Comparing this with the time needed for the required number of e-foldings, which for 70 e-foldings is t_{inf l} ∼ 70/H ∼ 7 · 10^5 t_{pl}, one concludes that the thermalization time allows for visible effects of non-thermal behavior in the CMBR, with room to spare. This is good news for the transplanckian signatures. On the other hand, with fluctuations leaving the horizon so close to the end of inflation, effects from holography and complementarity are expected to be subtle.

A fair conclusion is to say that so far holography has not yielded any useful restrictions on cosmology.

5 Conclusions

Is there a unique theory? String theory was long described as an attempt to find the unique theory of the world. The idea was that mathematical necessity fully determines the fundamental laws of nature leaving no room for chance or choice. While well in line with the previous success story of fundamental physics, there is something unnerving with this idea. Many scientists have pointed out that the fundamental laws of physics are very well adjusted to create a universe suitable to life. It has been argued that a small change of any of the 20 or so parameters of the standard model, would leave us with a barren and inhospitable universe. How can it be that mathematics cares about life?

With this in mind it is reasonable to question whether the fundamental laws really are unique. It seems more reasonable to imagine that the universe is much larger than what we so far have had reason to believe. In different regions the fundamental parameters take different values and we, obviously, live in a region where everything is just right. This is the anthropic principle.

Ironically, recent developments in string theory suggests that this scenario could be correct. The hope of finding one unique string theory is far from being realized. Instead, there seems to be an infinite number of consistent compactifications in various dimensions, [74]. In addition, inflation provides a mechanism for generating all possible vacua, [75].

In these lectures I have discussed a few possibilities of using cosmological observations to test string theory. In particular I have argued that physics near the Planck scale might leave an imprint on the CMBR and give the first glimpses of how Nature works on its smallest scales. I have reviewed attempts to build realistic models of cosmology using strings and branes. Finally, I have also discussed holography and the open question of whether issues like entropy bounds and complementarity could be of importance for, in particular, inflation.

So far, our theoretical understanding of string theory and quantum gravity in a cosmological setting is rudimentary – a lot of work certainly remains to be done. But from what we already know, it is reasonable to hope that we one day will see the effects of strings in the sky.

Acknowledgments

The author would like to thank Lars Bergström and Martin Olsson for fruitful collaborations. The author is a Royal Swedish Academy of Sciences Research Fellow supported by a grant from the Knut and Alice Wallenberg Foundation. The work was also supported by the Swedish Research Council (VR).

References

References

[1] F. Quevedo, “Lectures on string / brane cosmology,” Class. Quant. Grav. 19 (2002) 5721 [arXiv:hep-th/0210292].

[2] A. H. Guth, “The Inflationary Universe: A Possible Solution To The Horizon And Flatness Phys. Rev. D 23, 347 (1981).

[3] A. D. Linde, “A New Inflationary Universe Scenario: A Possible Solution Of The Horizon, Phys. Lett. B 108, 389 (1982).

[4] A. Albrecht and P. J. Steinhardt, “Cosmology For Grand Unified Theories With Radiatively Induced Symmetry Phys. Rev. Lett. 48, 1220 (1982).

[5] A. A. Starobinsky, “Spectrum Of Relict Gravitational Radiation And The Early State Of The JETP Lett. 30, 682 (1979) [Pisma Zh. Eksp. Teor. Fiz. 30, 719 (1979)].

[6] A. A. Starobinsky, “A New Type Of Isotropic Cosmological Models Without Singularity,” Phys. Lett. B 91, 99 (1980).

[7] K. Sato, Mon. Not. Roy. Astron. Soc. 195 (1981) 467.

[8] A. R. Liddle and D. H. Lyth, “Cosmological inflation and large-scale structure”, Cambridge University Press 2000.

[9] A. Linde, “Inflationary theory versus ekpyrotic / cyclic scenario,” arXiv:hep-th/0205259.

[10] A. Linde, “Prospects of inflation,” arXiv:hep-th/0402051.

[11] A. D. Linde, “Chaotic Inflation,” Phys. Lett. B 129 (1983) 177.

[12] R. H. Brandenberger, “Inflationary cosmology: Progress and problems,” arXiv:hep-ph/9910410. J. Martin and R. H. Brandenberger, “The trans- Planckian problem of inflationary cosmology,” Phys. Rev. D 63, 123501 (2001) [arXiv:hep-th/0005209].

[13] A. A. Starobinsky, “Robustness of the inflationary perturbation spectrum to trans-Planckian physics,” Pisma Zh. Eksp. Teor. Fiz. 73, 415 (2001) [JETP Lett. 73, 371 (2001)] [arXiv:astro-ph/0104043].

[14] R. Easther, B. R. Greene, W. H. Kinney and G. Shiu, “Inflation as a probe of short distance physics,” Phys. Rev. D 64, 103502 (2001) [arXiv:hep-th/0104102]. “Imprints of short distance physics on inflationary cosmology,” arXiv:hep-th/0110226. “A generic estimate of trans-Planckian modifications to the primordial power spectrum in inflation,” arXiv:hep-th/0204129.

[15] N. Kaloper, M. Kleban, A. E. Lawrence and S. Shenker, “Signatures of short distance physics in the cosmic microwave background,” arXiv:hep-th/0201158.

[16] U. H. Danielsson, “A note on inflation and transplanckian physics,” Phys. Rev.

D 66, 023511 (2002) [arXiv:hep-th/0203198].

[17] U. H. Danielsson, “Inflation, holography and the choice of vacuum in de Sitter space,” JHEP 0207, 040 (2002) [arXiv:hep-th/0205227].

[18] J. C. Niemeyer, R. Parentani and D. Campo, “Minimal modifications of the primordial power spectrum from an adiabatic short distance cutoff,” arXiv:hep-th/0206149.

[19] K. Goldstein and D. A. Lowe, “Initial state effects on the cosmic microwave background and trans-planckian physics,” arXiv:hep-th/0208167.

[20] U. H. Danielsson, “On the consistency of de Sitter vacua,” hep-th/0210058.

[21] L. Bergström and U. H. Danielsson, “Can MAP and Planck map Planck physics?,” JHEP 0212 (2002) 038 [arXiv:hep-th/0211006].

[22] J. Martin and R. Brandenberger, “On the dependence of the spectra of fluctuations in inflationary cosmology Phys. Rev. D 68 (2003) 063513 [arXiv:hep-th/0305161].

[23] O. Elgaroy and S. Hannestad, “Can Planck-scale physics be seen in the cosmic microwave background?,” Phys. Rev. D 68 (2003) 123513 [arXiv:astro-ph/0307011].

[24] J. Martin and C. Ringeval, “Superimposed Oscillations in the WMAP Data?,” Phys. Rev. D 69 (2004) 083515 [arXiv:astro-ph/0310382].

[25] T. Okamoto and E. A. Lim, Phys. Rev. D 69 (2004) 083519 [arXiv:astro-ph/0312284].

[26] K. Schalm, G. Shiu and J. P. van der Schaar, “Decoupling in an expanding universe: Boundary RG-flow affects initial JHEP 0404 (2004) 076 [arXiv:hep-th/0401164].

[27] J. de Boer, V. Jejjala and D. Minic, “Alpha-states in de Sitter space,” arXiv:hep-th/0406217.

[28] D. Polarski and A. A. Starobinsky, “Semiclassicality and decoherence of cosmological perturbations,” Class. Quant. Grav. 13 (1996) 377 [arXiv:gr-qc/9504030].

[29] V. Bozza, M. Giovannini and G. Veneziano, “Cosmological perturbations from a new-physics hypersurface,” JCAP 0305 (2003) 001 [arXiv:hep-th/0302184].

[30] P. Horava and E. Witten, “Heterotic and type I string dynamics from eleven dimensions,” Nucl. Phys. B 460 (1996) 506 [arXiv:hep-th/9510209]. “Eleven- Dimensional Supergravity on a Manifold with Boundary,” Nucl. Phys. B 475 (1996) 94 [arXiv:hep-th/9603142].

[31] J. Polchinski, “String Theory. Vol. 2: Superstring Theory And Beyond,” Cambridge, UK: Univ. Pr. (1998) 531 p.

[32] N. A. Chernikov and E. A. Tagirov, “Quantum theory of scalar field in de Sitter space-time,” Ann. Inst. Henri Poincaré, vol. IX, nr 2, (1968) 109. E. Mottola, “Particle Creation In De Sitter Space,” Phys. Rev. D 31 (1985) 754. B. Allen, “Vacuum States In De Sitter Space,” Phys. Rev. D 32 (1985) 3136. R. Floreanini, C. T. Hill and R. Jackiw, “Functional Representation For The Isometries Of De Sitter Space,” Annals Phys. 175 (1987) 345. R. Bousso, A. Maloney and A. Strominger, “Conformal vacua and entropy in de Sitter space,” arXiv:hep-th/0112218. M. Spradlin and A. Volovich, “Vacuum states and the S-matrix in dS/CFT,” arXiv:hep-th/0112223.

[33] T. Banks and L. Mannelli, “De Sitter vacua, renormalization and locality,” arXiv:hep-th/0209113. M. B. Einhorn and F. Larsen, “Interacting Quantum Field Theory in de Sitter Vacua,” arXiv:hep-th/0209159. M. B. Einhorn and F. Larsen, “Squeezed states in the de Sitter vacuum,” Phys. Rev. D 68 (2003) 064002 [arXiv:hep-th/0305056]. N. Kaloper, M. Kleban, A. Lawrence, S. Shenker and L. Susskind, “Initial conditions for inflation,” arXiv:hep-th/0209231.

[34] G. Veneziano, “Scale factor duality for classical and quantum strings,” Phys.

Lett. B 265, 287 (1991).

[35] K. A. Meissner and G. Veneziano, “Symmetries of cosmological superstring vacua,” Phys. Lett. B 267, 33 (1991).

[36] M. Gasperini and G. Veneziano, “Pre - big bang in string cosmology,” Astropart.

Phys. 1, 317 (1993) [arXiv:hep-th/9211021].

[37] R. Brustein and G. Veneziano, “The Graceful exit problem in string cosmology,” Phys. Lett. B 329, 429 (1994) [arXiv:hep-th/9403060].

[38] M. Gasperini and G. Veneziano, “The pre-big bang scenario in string cosmology,” Phys. Rept. 373, 1 (2003) [arXiv:hep-th/0207130].

[39] J. Khoury, B. A. Ovrut, P. J. Steinhardt and N. Turok, “The ekpyrotic universe:

Colliding branes and the origin of the hot big bang,” Phys. Rev. D 64, 123522 (2001) [arXiv:hep-th/0103239].

[40] R. Kallosh, L. Kofman and A. D. Linde, “Pyrotechnic universe,” Phys. Rev. D 64, 123523 (2001) [arXiv:hep-th/0104073].

[41] J. Khoury, B. A. Ovrut, N. Seiberg, P. J. Steinhardt and N. Turok, “From big crunch to big bang,” Phys. Rev. D 65, 086007 (2002) [arXiv:hep-th/0108187].

[42] P. J. Steinhardt and N. Turok, “A cyclic model of the universe,” arXiv:hep-th/0111030.

[43] N. Turok, M. Perry and P. J. Steinhardt, “M theory model of a big crunch / big bang transition,” arXiv:hep-th/0408083.

[44] G. T. Horowitz and J. Maldacena, “The black hole final state,” JHEP 0402 (2004) 008 [arXiv:hep-th/0310281].

[45] G. R. Dvali and S. H. H. Tye, “Brane inflation,” Phys. Lett. B 450, 72 (1999) [arXiv:hep-ph/9812483].

[46] C. P. Burgess, M. Majumdar, D. Nolte, F. Quevedo, G. Rajesh and R. J. Zhang, “The inflationary brane-antibrane universe,” JHEP 0107, 047 (2001) [arXiv:hep-th/0105204].

[47] G. R. Dvali, Q. Shafi and S. Solganik, “D-brane inflation,” arXiv:hep-th/0105203. [48] G. Shiu and S. H. H. Tye, “Some aspects of brane inflation,” Phys. Lett. B 516, 421 (2001) [arXiv:hep-th/0106274].

[49] B. s. H. Kyae and Q. Shafi, “Branes and inflationary cosmology,” Phys. Lett. B 526, 379 (2002) [arXiv:hep-ph/0111101].

[50] T. Banks and L. Susskind, “Brane - Antibrane Forces,” arXiv:hep-th/9511194. [51] A. D. Linde, “Hybrid inflation,” Phys. Rev. D 49, 748 (1994) [arXiv:astro-ph/9307002].

[52] E. Witten, “Quantum gravity in de Sitter space,” arXiv:hep-th/0106109. [53] S. B. Giddings, “The fate of four dimensions,” Phys. Rev. D 68 (2003) 026006 [arXiv:hep-th/0303031].

[54] S. B. Giddings, S. Kachru and J. Polchinski, “Hierarchies from fluxes in string compactifications,” Phys. Rev. D 66, 106006 (2002) [arXiv:hep-th/0105097].

[55] O. DeWolfe and S. B. Giddings, Phys. Rev. D 67, 066008 (2003) [arXiv:hep-th/0208123].

[56] S. Kachru, R. Kallosh, A. Linde and S. P. Trivedi, “De Sitter vacua in string theory,” Phys. Rev. D 68, 046005 (2003) [arXiv:hep-th/0301240].

[57] S. Kachru, R. Kallosh, A. Linde, J. Maldacena, L. McAllister and S. P. Trivedi, “Towards inflation in string theory,” JCAP 0310, 013 (2003) [arXiv:hep-th/0308055].

[58] J. D. Bekenstein, “Generalized Second Law Of Thermodynamics In Black Hole Physics,” Phys. Rev. D 9, 3292 (1974).

[59] J. D. Bekenstein, “A Universal Upper Bound On The Entropy To Energy Ratio For Bounded Systems,” Phys. Rev. D 23, 287 (1981).

[60] J. D. Bekenstein, “Entropy Content And Information Flow In Systems With Limited Energy,” Phys. Rev. D 30, 1669 (1984). M. Schiffer and J. D. Bekenstein, “Proof Of The Quantum Bound On Specific Entropy For Free Fields,” Phys. Rev. D 39, 1109 (1989).

[61] W. Fischler and L. Susskind, “Holography and cosmology,” arXiv:hep-th/9806039.

[62] S. Kalyana Rama and T. Sarkar, “Holographic principle during inflation and a lower bound on density fluctuations,” Phys. Lett. B 450 (1999) 55 [arXiv:hep-th/9812043]. N. Kaloper and A. D. Linde, “Cosmology vs. holography,” Phys. Rev. D 60, 103509 (1999) [arXiv:hep-th/9904120]. T. Banks, “Cosmological breaking of supersymmetry or little Lambda goes back to the future. II,” arXiv:hep-th/0007146. T. Banks and W. Fischler, “M-theory observables for cosmological space-times,” arXiv:hep-th/0102077. S. Hellerman, N. Kaloper and L. Susskind, “String theory and quintessence,” JHEP 0106, 003 (2001) [arXiv:hep-th/0104180]. W. Fischler, A. Kashani-Poor, R. McNees and S. Paban, “The acceleration of the universe, a challenge for string theory,” JHEP 0107, 003 (2001) [arXiv:hep-th/0104181]. T. Banks and W. Fischler, “An holographic cosmology,” arXiv:hep-th/0111142. E. Witten, “Quantum gravity in de Sitter space,” arXiv:hep-th/0106109. C. J. Hogan, “Holographic discreteness of inflationary perturbations,” Phys. Rev. D 66, 023521 (2002) [arXiv:astro-ph/0201020]. L. Dyson, J. Lindesay and L. Susskind, “Is there really a de Sitter/CFT duality,” JHEP 0208, 045 (2002) [arXiv:hep-th/0202163]. L. Dyson, M. Kleban and L. Susskind, “Disturbing implications of a cosmological constant,” JHEP 0210, 011 (2002) [arXiv:hep-th/0208013]. Y. S. Myung, “Holographic entropy bounds in the inflationary universe,” arXiv:hep-th/0301073. E.~Keski-Vakkuri and M.~S.~Sloth, “Holographic bounds on the UV cutoff scale in inflationary cosmology, ”JCAP {\bf 0308} (2003) 001 [arXiv:hep-th/0306070].

[63] R. Easther and D. A. Lowe, “Holography, cosmology and the second law of thermodynamics,” Phys. Rev. Lett. 82, 4967 (1999) [arXiv:hep-th/9902088]. G. Veneziano, “Pre-bangian origin of our entropy and time arrow,” Phys. Lett. B 454, 22 (1999) [arXiv:hep-th/9902126]. D. Bak and S. J. Rey, “Cosmic holography,” Class. Quant. Grav. 17, L83 (2000) [arXiv:hep-th/9902173].

[64] R. Brustein, “The generalized second law of thermodynamics in cosmology,” Phys. Rev. Lett. 84 (2000) 2072 [arXiv:gr-qc/9904061]. R. Brustein, S. Foffa and R. Sturani, “Generalized second law in string cosmology,” Phys. Lett. B 471 (2000) 352 [arXiv:hep-th/9907032]. R. Brustein and G. Veneziano, “A Causal Entropy Bound,” Phys. Rev. Lett. 84 (2000) 5695 [arXiv:hep-th/9912055]. R. Brustein, “Causal boundary entropy from horizon conformal field theory,” Phys. Rev. Lett. 86 (2001) 576 [arXiv:hep-th/0005266].

[65] G. W. Gibbons, S. W. Hawking, “Cosmological event horizons, thermodynamics, and particle creation,” Phys. Rev. D 15 (1977) 2738.

[66] R. Bousso, “Bekenstein bounds in de Sitter and flat space,” JHEP 0104 (2001) 035 [arXiv:hep-th/0012052].

[67] L. P. Grishchuk and Y. V. Sidorov, “On The Quantum State Of Relic Gravitons,” Class. Quant. Grav. 6 (1989) L161. L. P. Grishchuk and Y. V. Sidorov, “Squeezed Quantum States Of Relic Gravitons And Primordial Density Fluctuations,” Phys. Rev. D 42 (1990) 3413. R. H. Brandenberger, V. Mukhanov and T. Prokopec, “Entropy of a classical stochastic field and cosmological perturbations,” Phys. Rev. Lett. 69, 3606 (1992) [arXiv:astro-ph/9206005]. T. Prokopec, “Entropy of the squeezed vacuum,” Class. Quant. Grav. 10 (1993) 2295. M. Kruczenski, L. E. Oxman and M. Zaldarriaga, “Large squeezing behavior of cosmological entropy generation,” Class. Quant. Grav. 11 (1994) 2317 [arXiv:gr-qc/9403024]. C. Kiefer, D. Polarski and A. A. Starobinsky, “Entropy of gravitons produced in the early universe,” Phys. Rev. D 62, 043518 (2000) [arXiv:gr-qc/9910065]. M. Gasperini and M. Giovannini, “Entropy production in the cosmological amplification of the vacuum fluctuations,” Phys. Lett. B 301 (1993) 334 [arXiv:gr-qc/9301010]. M. Gasperini, M. Giovannini and G. Veneziano, “Squeezed thermal vacuum and the maximum scale for inflation,” Phys. Rev. D 48 (1993) 439 [arXiv:gr-qc/9306015]. M. Gasperini and M. Giovannini, “Quantum squeezing and cosmological entropy production,” Class. Quant. Grav. 10 (1993) L133 [arXiv:gr-qc/9307024].

[68] A. Albrecht, N. Kaloper and Y. S. Song, “Holographic limitations of the effective field theory of inflation,” arXiv:hep-th/0211221.

[69] A. Frolov and L. Kofman, “Inflation and de Sitter thermodynamics,” arXiv:hep-th/0212327.

[70] U. H. Danielsson and M. Schiffer, “Quantum Mechanics, Common Sense And The Black Hole Information Paradox,” Phys. Rev. D 48 (1993) 4779 [arXiv:gr-qc/9305012]. Reprinted in Information theory in physics, 2000, AAPT, editor W.T. Grandy.

[71] L. Susskind, L. Thorlacius and J. Uglum, “The Stretched horizon and black hole complementarity,” Phys. Rev. D 48 (1993) 3743 [arXiv:hep-th/9306069]. L. Susskind, “String theory and the principles of black hole complementarity,” Phys. Rev. Lett. 71 (1993) 2367 [arXiv:hep-th/9307168]. L. Susskind and L. Thorlacius, “Gedanken experiments involving black holes,” Phys. Rev. D 49 (1994) 966 [arXiv:hep-th/9308100]. L. Susskind and J. Uglum, “String Physics and Black Holes,” Nucl. Phys. Proc. Suppl. 45BC (1996) 115 [arXiv:hep-th/9511227].

[72] U. H. Danielsson and M. E. Olsson, “On thermalization in de Sitter space,” JHEP 0403 (2004) 036 [arXiv:hep-th/0309163].

[73] U. H. Danielsson, D. Domert and M. Olsson, “Miracles and complementarity in de Sitter space,” arXiv:hep-th/0210198.

[74] L. Susskind, “The anthropic landscape of string theory,” arXiv:hep-th/0302219. [75] A. Linde, “Inflation, quantum cosmology and the anthropic principle,” arXiv:hep-th/0211048.